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Astronomy

As the technology behind instrumentation in astronomy improves, so too does our ability to
detect and characterize worlds outside our solar system. We are currently witnessing a revolution
in exoplanet science: for the past three decades, the number of known planets orbiting other
stars has grown exponentially, showing no signs of tapering off. We now know of dozens of small
planets in the habitable zones of their stars, and this number is expected to grow with upcoming
survey missions such as the Transiting Exoplanet Survey Satellite (TESS) and the PLAnetary
Transits and Oscillations telescope (PLATO). Improving commensurately with our capacity to
detect these planets is our ability to characterize them. Missions such as the James Webb Space
Telescope (JWST) and subsequent generations of space-based telescopes will be capable of
characterizing these planets’ atmospheres and searching for molecular signatures of habitability
and life. Given the large number of potentially habitable planets we will soon discover, knowing
which targets to prioritize for follow-up observations is paramount to furthering our goal of
understanding the potential for habitability of exoplanets. Once data becomes available, its
interpretation will rely heavily on a physical understanding of the processes that contribute to
making a planet habitable (or not). Models of the evolutionary processes of potentially habitable
planets can therefore improve target selection for biosignature searches and enhance the science
return from terrestrial planet characterization.

In this dissertation, I develop theoretical models of the evolution of the atmospheres and
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surface water inventories of planets in the habitable zones of low mass stars. While these stars
currently offer the best opportunity to characterize potentially habitable planets, my work shows
that vigorous atmospheric escape from these planets due to intense stellar activity could render
many of them uninhabitable. I discuss observational signatures of the escape process and best
case scenarios for planets around low mass stars, including the possibility that planets that form
with substantial primordial atmospheres of hydrogen and helium could weather the active phase
of the host star without substantial devolatilization.

I also refine existing techniques to detect and characterize exoplanets, with particular
emphasis on small planets in the habitable zones of low mass stars. I introduce EVEREST, a
pipeline to remove instrumental noise from photometric datasets and enable the detection of
planet transit signals that would otherwise be hidden in the noise. Furthermore, I develop two
novel techniques for the detection and characterization of potentially habitable exoplanets: the
exo-auroral method, which relies on the spectroscopic detection of auroral emission from
terrestrial planets, and planet-planet occultations, wherein an exoplanet occults another planet
in the same system, imparting a small photometric signal on the system’s light curve. I show how
the next generation of telescopes may enable the application of both techniques to planets in the
habitable zones of low mass stars, uncovering detailed information about their orbits and
surface/atmospheric properties.

I discuss all of my results in the context of TRAPPIST-1, a nearby low mass star hosting
seven transiting planets, three of which are in the habitable zone. This and similar soon-to-be
discovered systems will likely revolutionize our understanding of exoplanets, habitability, and

astrobiology in general.
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Evolution of the radius as a function of time due to thermal contraction of the
envelope, in the absence of tidal effects and atmospheric mass loss. From top to
bottom, the plots correspond to planets with initial total masses (core 4 envelope) of
1, 2, and 5 Mg. Line styles correspond to different initial hydrogen mass fractions:
1% (red, solid), 10% (green, dashed), 25% (blue, dot-dashed), and 50% (black,
dotted). For comparison, the grey shaded regions in the bottom two plots are the
spread in radii calculated by Mordasini et al. (2012a) for fr < 0.20. See text for a
discussion. . . . . . .. e e e
Complete evaporation time tevap as a function of the cutoff value &yin for a 2Mg
planet with fr, = 0.5 on a circular orbit around a 0.08 M star. The red, green,
and blue lines correspond to planets in the ITHZ, CHZ, and OHZ, respectively. Also
plotted is the mass loss enhancement factor 1/Kjqe (black dashed line), which
approaches infinity as & — 1. Note that for iy < 3, the evaporation time is
relatively insensitive to the exact cutoff value, despite the fact that 1/Kyqe blows
up. I therefore choose &, = 3 as the default cutoff, corresponding to a maximum
enhancement factor 1/Kiide R 2. . .« o v v v it i e
The Sepinsky et al. (2007) parameter « as a function of e for a synchronously-
rotating planet in the CPL model (black) and in the CTL model (gray). The
dashed line corresponds to the minimum value of the ratio Py, /7dyn across all my
runs. Note that for e < 0.5, the quasi-static approximation is probably valid.

Loss rate enhancement factor 1/K as a function of the normalized Roche lobe dis-
tance & = Ryoche/ Ry for e =0, 0.25, 0.5 and 0.75. The Erkaev et al. (2007) model
(Kiide) is plotted in blue, with the flux enhancement factor 1/v/1 — €2 (dashed) and
without it (dotted). The exact expression Kecc derived in this chapter (Equation 89)
is plotted in black and the analytic approximation (Equation 93) is plotted in red.
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Three sample integrations of my code. The first row plots show the envelope mass
(left axis) and planet radius (right axis) versus time since formation; the second row
plots show the semi-major axis (left) and eccentricity (right) versus time; and the
third row shows the stellar XUV luminosity (left) and stellar radius (right) versus
time. The planet is initially a 1 Mg core with a 1 Mg envelope orbiting around a
0.08 Mg M-dwarf with e = 0.5 at a semi-major axis of 0.04 AU, just outside the
OHZ (light blue shading). Unless otherwise noted, all other parameters are set to
their default values (Table 1). As it loses mass and tidally evolves, it migrates into
the CHZ (light green shading). Note that the evolution of the HZ is not shown; the
CHZ and OHZ are taken to be the long-term (> 1 Gyr) values. (a): In this run,
I force the escape to be energy-limited, as in an X-ray dominated flow. The planet
loses its entire envelope at ¢ &~ 100 Myr. (b): Same as (a), except the calculation
starts at tg = 100 Myr, corresponding to a planet that undergoes late migration.
While the envelope still completely evaporates, this occurs at a much later time,
t = 2 Gyr. (c): Same as (a), except that the escape is radiation/recombination
limited above the critical flux. Here, the envelope does not fully evaporate and tidal
migration is noticeably weaker. See the text for a discussion of the labels A-F.

Initial versus final envelope mass (Mpy) for planets that end up in the IHZ (red),
CHZ (green), and OHZ (blue). Line styles correspond to different values of ¢y (solid,
10 Myr; dashed, 50 Myr; dash-dotted, 100 Myr). Columns correspond to runs in
which the escape mechanism is energy-limited (left) and radiation/recombination-
limited (right); rows vary certain parameters as labeled, with all others set to their
default values. In the default run, the planet has a 1 Mg core and orbits an M
dwarf with M, = 0.08 Mg in a circular orbit. The dotted gray line corresponds to
a planet that undergoes no evaporation. An X marks the critical initial envelope
mass below which full evaporation occurs within 5 Gyr. In some plots, curves of a
given color/line style are missing; for those runs, the entire envelope was lost for all

starting values of Mg. . . . . . . . . . e
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Contours of the log of the hydrogen mass fraction f}; at 5 Gyr as a function of the
tidal time lag 7, and the XUV absorption efficiency exyvy for five integrations of
my code. White regions correspond to planets that completely lost their envelopes;
dark gray regions indicate planets that are not in the HZ at 5 Gyr. (a) The default
run. The planet has a core mass of 1 Mg with fg, = 0.5, orbiting around a 0.08
Mg star in an initially highly eccentric orbit (e = 0.8) at @ = 0.07 AU. All other
parameters are set to their default values (Table 1), and the escape mechanism is
radiation/recombination-limited at high XUV flux and energy-limited at low XUV
flux. Note that the final envelope mass highly depends on both exuyy and 7,. (b)
The same as (a), but for a higher core mass M, = 1.5Mg. No evaporated cores
form in this scenario. (c) The same as (a), but for a lower eccentricity e = 0.7.
Again, no habitable evaporated cores form, and the planet remains outside of the
habitable zone for a larger range of 7,. (d) The same as (a), but for a shorter XUV
saturation time of the parent star, ¢+ = 0.1 Gyr. No evaporated cores form. Since
the XUV flux drops off much more quickly, energy-limited escape is less effective
in removing mass and thus f}; is a weaker function of exyy. (e) The same as (a),
but for energy-limited escape only, which would be the case if the flow is X-ray
dominated. Note that in this case whether or not the planet becomes an evaporated
core is a much stronger function of both 7, and exyy. . . . . ... ... ... ...
Regions of parameter space that may be populated by HECs, for M, = 1 Mg, My <
1 Mg, and default values for all other parameters. Terrestrial planets detected today
occupying the space to the left of each contour line could be the evaporated cores
of gaseous planets with f < 0.5. Planets detected to the right of the contour lines
have always been terrestrial/gaseous. Dark red lines correspond to the conservative
mass loss scenario, in which mass loss is radiation/recombination-limited at high
XUV flux and energy-limited at low XUV flux. Dark blue lines correspond to mass
loss via the energy-limited mechanism only. Planets around stars with significant
X-ray emission early on are likely to be in the latter regime. Different line styles
correspond to different eccentricities today. Terrestrial planets detected at higher
eccentricity (dashed and dash-dotted lines) could be evaporated cores at slightly
larger orbital separations than planets detected on circular orbits (solid lines). Note
that in the energy-limited regime, all 1 Mg, terrestrial planets in the HZ of low-mass
M dwarfs could be habitable evaporated cores. At higher stellar mass, HECs are
restricted to planets in the CHZ and THZ. In the radiation/recombination-limited
regime, the accessible region of parameter space is smaller, but around the lowest
mass M dwarfs HECs are still possible in the CHZ. . . . . . .. .. ... ... ...
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30

The same plot as Figure 24, but for a conservative choice of the parameters governing
atmospheric escape: a short XUV saturation time s,y = 0.1 Gyr and a low XUV
absorption efficiency exyy = 0.15. In this case, HECs are no longer possible for
radiation/recombination-limited escape. For energy-limited escape, HECs are only
possible in the THZ of low-mass M dwarfs and in the CHZ of M dwarfs at the
hydrogen-burning limit. At high eccentricity (e = 0.5), HECs are only marginally
more likely. . . . . ..
The same as Figure 24, but for a higher core mass M. = 2Mg. HECs are now
confined mostly to the IHZ of low-mass M dwarfs in the energy-limited regime. For
planets undergoing radiation /recombination-limited escape, super-Earth HECs may
not be possible. . . . ...
Similar to Figure 24, but here contours correspond to different choices of final fg
for a 1Mg core on a circular orbit. The solid lines correspond to f; = 0 and
are the same as the e = 0 contours in Figure 24. Dashed lines correspond to the
transition between planets that have less than (left) and more than (right) 0.1%
H/He (f}; = 0.001) at 5 Gyr. Dotted lines correspond to the 1% H/He (f}; = 0.01)
transition. While the f;; = 0.001 contours are barely distinguishable from the
f1r = 0 contours, at final f}; = 0.01 the HEC parameter space is significantly larger.
However, it is unclear whether planets with fj; = 0.01 could be habitable. . . . . .
All Kepler planets and planet candidates discovered to date, plotted according to
their radii and orbital periods, using the tools at exoplanets.org (Han et al., 2014).
The crosshairs mark the approximate position of Earth on this plot. Although
Kepler’s primary goal was to determine the frequency of Earth-like planets around
Sun-like stars, very few such planets were detected. This is due to observational
biases: Kepler is far more sensitive to larger, shorter-period planets, as can be seen

from this plot. While the few detections in the HZ can be used to infer an estimate

for ng, a better observing strategy is to target M dwarfs in search of habitable planets.130

A small 5d-period planet candidate discovered in K2 using EVEREST (Kruse et al.,
2017, in prep.). EVEREST light curves have higher photometric precision than those

produced by other pipelines, enabling the detection of smaller transiting exoplanets. 132

Radius versus irradiation of the K2 planet candidates discovered using EVEREST
(Kruse et al., 2017, in prep.). Most of the planets plotted here have been previously
reported in the literature, but ~300 are new discoveries. The green box at the lower
left is the “optimistic” habitable zone (Chapter 1), hosting 7 planets, two of which

are in 3-planet systems and four of which were previously undetected. . . . . . ..
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PLD applied to a portion of the data for EPIC 201367065 (K2-3). The top panel
is the background-subtracted, normalized SAP flux in a large 35-pixel aperture
centered on the target. The bottom three panels show the normalized PLD-de-
trended flux for 1, 274, and 34 order PLD, respectively, using only the 10 brightest
pixels. PLD increases the 6-hr photometric precision by factors of 2.9 (15* order),
4.7 (2" order), and 5.2 (3" order). . . . ... ...
Different de-trending techniques for quarter 4 of KIC 8583696 (KOI 1275), a planet
candidate host from the original Kepler mission. The original data are shown in the
left column; in the other columns I artificially injected a sinusoidal signal with a pe-
riod of 25 days and an amplitude comparable to that of the instrumental variability.
The top row shows the raw SAP data (black) and the first order PLD model (red);
the residuals of the fit are indicated directly below. The third row shows the final
residuals after smoothing with a GP to eliminate low-frequency stellar variability.
Finally, the bottom row shows these residuals folded on the orbital period of the
planet candidate (black), with the 1-hr median indicated in red. Combining PLD
with a GP ensures PLD fits out only the instrumental variability without inflating
the white noise. . . . . . . . .. L
GP optimization procedure for EPIC 201497682. In the top left panel I plot the raw
SAP flux (black) and a ten chunk, first order PLD fit (red); the residuals are shown in
the panel below. These are used to compute the power spectrum of the stellar signal
(top right), and its autocorrelation function (bottom right, black curve). Different
kernels are then fit to the autocorrelation function, and the one with the lowest x?2
value is chosen for the de-trending step (red curve). The grey envelope about the
autocorrelation curve is the ad hoc standard error assumed to compute x2.

Top: Third order PLD applied to EPIC 201367065, but this time keeping all basis
vectors. Compare to Figure 31. While the median scatter improved by a factor
of about 4, the scatter in the transits (which were masked during the de-trending)
increased by a factor of several thousand. Bottom: The same figure, but zoomed
out to show the in-transit scatter. . . . . . . . . . ... oo oL
De-trended light curve precision as a function of the number of principal components
for EPIC 201497682. The blue dots are the median 6-hr precision (in ppm) of
the unmasked sections of the light curve (the training set); the red dots are the
median precision in 6-hr chunks that were masked during the de-trending step (the
validation set). Solid curves indicate my GP fit to the data points. Initially, the
scatter decreases in both cases as the number of components is increased. However,
above ~ 50 components, while the scatter in the training set continues to decrease,
the scatter in the validation set (where the model is extrapolated) begins to grow.
This is the signature of overfitting. I therefore choose 50 principal components for
the de-trending, yielding a precision of 55 ppm (versus ~ 70 ppm for the K2SFF
de-trended flux). . . . . .. L
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Transit injection results. Each panel shows the fraction of transits recovered with a
certain depth ratio D/ Dy (recovered depth divided by true depth). Blue histograms
correspond to the actual injection and recovery process performed with my pipeline;
red histograms correspond to transits injected directly into the de-trended light
curves and are shown for comparison. The values to the left and right of each
histogram are the median D /D for my pipeline and for the control run, respectively.
The smaller values at the top indicate the fraction of transits recovered with depths
lower and higher than the bounds of the plots. Finally, the two columns distinguish
between the default runs (left) and runs where the transits were explicitly masked
(right); the three rows correspond to different injected depths: 1072, 1073, and
10~%. PLD preserves transit depths if the transits are properly masked; otherwise,
a small bias toward smaller depths is introduced. . . . . . . . ... ... ... ...
Primary and secondary eclipses of EPIC 202072563, folded on a period of 2.1237
days. From left to right, the columns show the raw SAP flux, the EVEREST flux, and
the EVEREST flux obtained when explicitly masking the eclipses. Masking is critical
to preserving the transit depth during de-trending for any pipeline that does not
explicitly include a transit or eclipse model. . . . . . . .. ... ... ... .....
Fractional pixel fluxes p;;/ >, pir for quarter 3 of Kepler-3, a K, = 9.2 hot-Jupiter
host observed by the original Kepler mission. The panels are arranged according
to the positions of the pixels on the detector, and the data is smoothed and folded
on the orbital period of Kepler-3b. Saturated pixels are highlighted in red and are
labeled with an S; overflow pixels are highlighted in blue and labeled with an O.
PLD fails for this system because the transit signal is present in several of the basis
VECTOIS. . . . L L e
EPIC 201270464, a K, = 9.4 saturated eclipsing binary. Plotted here is the raw
flux (top), the K2SFF flux (center), and the EVEREST flux (bottom). PLD washes
out the stellar variability along with most of the eclipses for some saturated stars.

6-hr photometric precision as a function of Kepler magnitude K, for all stars ob-
served by Kepler (yellow dots) and for all unsaturated, non-crowded K2 targets
in campaigns 0-7 de-trended with EVEREST (blue dots). The median values are in-
dicated for 0.5 magnitude-wide bins with filled circles. My pipeline recovers the
original Kepler precision for stars brighter than K, ~13. . .. ... ... ... ..
A comparison of the raw K2 6-hr precision (red dots) and the EVEREST precision
(blue dots) as a function of K,,. The lines indicate the median in 0.5 magnitude-wide
bins. I also plot the approximate photon limit (dashed yellow line) for reference.
EVEREST leads to an order-of-magnitude improvement in the CDPP for the brightest
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Relative 6-hr CDPP difference between EVEREST and K2VARCAT light curves for cam-
paigns 0-7. Blue dots show differences for individual stars, while the black line
indicates the median in 0.5 magnitude-wide bins. Negative values indicate higher
precision in the EVEREST light curves; compare to Figure 10 in Aigrain et al. (2016).
On average, EVEREST yields light curves with half the scatter for all Kepler magni-
tudes K, > 11, . . o L oL
Same as Figure 42, but comparing EVEREST to K2SFF. Once again, negative values
correspond to higher precision in the EVEREST light curves. My pipeline yields higher
precision light curves for most K2 stars and does better on average for all Kepler
magnitudes K, > 11. . . . . ..
A comparison of the EVEREST and K2SFF CDPP for each individual campaign. Note
the marked difference between campaigns 3-7 and campaigns 0-2. For campaign 2,
in particular, the relative improvement is close to 0.5, corresponding to an average
EVEREST precision a factor of 2 higher than K28FF. . . . . . . . .. ... ... ...
Same as Figure 42, but comparing EVEREST to K2SC. To ensure both sets of light
curves are on the same footing, the K28C CDPP is computed from the PDC flux
corrected for the instrumental systematics only. As before, a Savitsky-Golay filter is
then applied to both sets of light curves. The median relative difference is once again
negative everywhere, indicating that EVEREST yields higher precision light curves at
all magnitudes. . . . . .. L
De-trended light curves for the campaign 1 star EPIC 201367065 (K2-3, Crossfield
et al., 2015). Top: The de-trended K2SFF flux (left) and the GP-smoothed flux
folded on the periods of the planets b, ¢, and d (right). Bottom: The de-trended
EVEREST flux. The 6-hr CDPP is 30.9 ppm for K2SFF and 16.6 ppm for EVEREST, a
factor of ~ 2 improvement. . . . . . . . .. ...
De-trended light curves for EPIC 205071984, a campaign 2 star with three known
planet candidates (Sinukoff et al., 2015). As in Figure 46, the K2SFF light curve and
the folded transits of EPIC 205071984.01 (b), 205071984.02 (c), and 205071984.03
(d) are shown at the top; the equivalent plots for EVEREST are shown at the bottom.
The 6-hr CDPP is 56.1 ppm for K2SFF and 24.0 ppm for EVEREST, a factor of > 2
IMprovement. . . . . . ... L e e e e e e e e e e e e e
EPIC 202063160, a saturated Kp= 9.2 campaign 0 eclipsing binary. Shown is a
portion of the raw light curve (top), the light curve “de-trended” with EVEREST 1.0
(center), and the light curve de-trended with EVEREST 2.0 (bottom); the y axis in
each of these plots is the normalized flux. The pixel image is shown at the right
on a linear scale, with the adopted aperture contour indicated in red. The three
columns highlighted in red contain saturated pixels. Despite a great improvement
in the precision, EVEREST 1.0 leads to severe overfitting, causing the eclipses to all
but disappear. By collapsing saturated columns, EVEREST 2.0 correctly de-trends

saturated stars without overfitting. . . . . . . . . . ... oo oL
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Cross-validation procedure for first order PLD on EPIC 206103150 (WASP-47 e), a
campaign 3 planet host. Shown is the scatter o, in the validation set (red) and the
scatter in the training set (blue) as a function of A1, the prior amplitude for the first
order PLD weights, for each of three light curve sections; the mean scatter is shown
at the bottom. Red arrows indicate the minima in the o, curves for each section;
note that because of variable noise properties across the campaign, they all occur at
different values of A\;. The dashed vertical line indicates the value of 5\n obtained by
the procedure outlined in the text, which establishes a compromise between slight
underfitting in the first two segments and slight overfitting in the third. . . . . . .
6 hr CDPP comparison between de-trending with pPLD and de-trending with nPLD
for a sample of 2,700 randomly selected campaign 6 stars. Plotted is the star-by-star
difference in the CDPP values for each method, normalized to the nPLD CDPP (blue
dots); stars with negative values have lower CDPP when de-trended with pPLD. The
black line is the median CDPP difference in 0.5 magnitude-wide bins. pPLD leads
to an average improvement in the CDPP of <1%. . . . . . . ... . ... ... ...
Transit injection/recovery statistics based on 2,700 randomly selected stars from
campaign 6. Each panel shows histograms of the number of transits recovered
with a certain depth ratio D/Dy (recovered depth divided by true depth). Blue
histograms correspond to the actual injection and recovery process, in which transits
are injected into the raw light curves at the pixel level and recovered after de-
trending with EVEREST; red histograms correspond to control runs in which the
transits were injected into the de-trended data. The values to the left and right
of each histogram are the median D/D, for my pipeline and for the control run,
respectively. The smaller values at the top indicate the fraction of transits recovered
with depths lower and higher than the bounds of the plots. Finally, the two columns
distinguish between runs in which the transits were not explicitly masked prior to de-
trending (left) and runs in which they were (right), while the three rows correspond
to different injected depths: 102, 103, and 10*. EVEREST preserves transit depths if
the transits are properly masked; otherwise, a ~10% bias toward smaller depths is
introduced for transits with low SNR. . . . . . .. .. ... .. ... ...
6 hr CDPP comparison between de-trending with regularized regression (rPLD, this
chapter) and de-trending with PCA (Chapter 5) for a sample of 2,700 randomly
selected campaign 6 stars, as in Figure 50. Regularized regression leads to a small
CDPP improvement of ~1to 5%. . . . . . . . . . . ... ...
6 hr CDPP comparison between PLD de-trending with regularized regression +
neighboring targets (this chapter) and standard PLD de-trending (Chapter 5) for
the same sample of stars as in Figure 52. Each target was de-trended with its
own PLD vectors plus those of ten random bright stars on the same module. This
method leads to a robust CDPP improvement of ~10% for bright (Kp < 13) stars

and ~20% for fainter stars. . . . . . . . . . . .
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CDPP comparison between EVEREST 2.0 (using nPLD) and EVEREST 1.0 for all
stars in campaigns 0-8. As before, individual stars are plotted as blue points and the
median CDPP is indicated by a black line; note the ~10—20% improvement over the
previous version of the pipeline. Saturated stars are plotted as red points, with their
median CDPP indicated by a dashed red line. The apparently better performance
of EVEREST 1.0 for these stars is spurious, since traditional PLD typically leads to
strong overfitting of saturated stars (see Figure 48). . . . .. ... ... ... ...
Similar to Figure 54, but showing a comparison between EVEREST 2.0 and K2SFF.
EVEREST 2.0 outperforms K2SFF at all magnitudes, including Kp < 11, for which
stars are saturated. . . . . . ... L oL oL
Similar to the previous figure, but showing a comparison between EVEREST 2.0 and
K2SC. EVEREST 2.0 light curves have lower average CDPP at all magnitudes except
around Kp =~ 9, for which the precision is comparable. . . . . . .. ... ... ...
Similar to Figure 54, but showing a CDPP comparison between EVEREST 2.0 and
EVEREST 1.0 for each of the first 9 K2 campaigns. . . . . . .. .. ... ... ...
Similar to Figure 55, but showing a CDPP comparison between EVEREST 2.0 and
K2SFF for each of the first 9 K2 campaigns. . . . . . .. . . ... ... ... ....
Similar to Figure 56, but showing a CDPP comparison between EVEREST 2.0 and
K2SC for each of the first 9 K2 campaigns. . . . . . . .. .. ... . 0L
Histograms showing the number of non-outlier data points per campaign for each
of four pipelines: K2SFF (gray), K2SC (orange; campaigns 3-6 only), EVEREST 1.0
(red), and EVEREST 2.0 (blue). To compute these, I remove all cadences with flagged
QUALITY bits (excepting thruster fires) from all light curves, then smooth each light
curve with a second order, 2-day Savitsky-Golay filter and perform iterative sigma
clipping at 50 to remove the outliers. The number of remaining cadences in each
light curve is then used to plot the histograms. Both versions of EVEREST have more
usable data points per campaign than the other pipelines. On average, EVEREST
light curves have ~200 — 300 more non-outlier data points than K2SFF and ~100
more than K2SC. . . . . . . . . . L
CDPP comparison between EVEREST 2.0 light curves observed in short cadence and
long cadence modes. Short cadence light curves have 5-10% lower CDPP on average;
for saturated stars, short cadence light curves have up to 25% lower CDPP.

EPIC 201601162, a campaign 1 star observed in both long cadence and short cadence
modes. A portion of the raw light curve is displayed at the top, and the de-trended
light curve is shown in the center. In the bottom panel, I plot the down-binned
de-trended short cadence light curve (black) and the de-trended long cadence light
curve (red). The y axis in each panel is the flux in e”/s. Short cadence EVEREST

2.0 light curves have lower CDPP than their long cadence counterparts. . . . . . .
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69

Co-trending Basis Vectors (CBVs) for each of the first 9 campaigns. I apply SysRem
to all de-trended light curves in each campaign to obtain the first (blue) and second
(red) CBVs; I do this independently for each of the segments in each campaign.
The first set of CBVs contain primarily linear trends with hook-like features at
the beginning or end of the segments; the second set of CBVs are dominated by
quadratic or cubic trends. I correct all light curves by simple linear regression with
the first two CBVs. . . . . . . . . .
EPIC 201345483 (K2-45), a Kp = 15 campaign 1 planet host de-trended with K2SFF
(top) and EVEREST 2.0 (bottom). The CDPP of each light curve is indicated in the
top left. The folded transit of K2-45b is shown at right. The EVEREST 2.0 light
curve has 2.4x higher photometric precision. . . . . ... .. ... ... .. .. ..
EPIC 201862715, a saturated campaign 1 planet candidate host. As in Figure 64, I
show both the K2SFF and the EVEREST 2.0 light curves. The CDPP of the EVEREST
2.0 light curve is a factor of 5 lower. . . . . . . . ... L oL oL
6 hr photometric precision as a function of Kepler magnitude Kp for all stars ob-
served by Kepler (yellow dots) and for all K2 targets in Campaigns 0-8 de-trended
with EVEREST (blue). The median in 0.5 magnitude-wide bins is indicated by yel-
low circles for Kepler and by blue circles for EVEREST. For campaigns 1, 5, and 6,
EVEREST recovers the raw Kepler photometric precision down to at least Kp = 15;
for campaigns 3, 4, and 8, EVEREST recovers the Kepler precision down to Kp = 14.
Campaigns 0 and 2 have a larger fraction of (variable) giant stars, leading to a
higher average CDPP, while campaign 7 raw light curves have significantly worse
precision due to a change in the orientation of the spacecraft and excess jitter.

The same as Figure 66, but comparing the CDPP of all K2 stars to that of Kepler.
EVEREST 2.0 recovers the original Kepler photometric precision down to at least
Kp =14, and past Kp = 15 for some campaigns. . . . . . .. ... ... ... ...
Five eclipsing binaries with significant contamination by bright nearby stars. The
first two panels in each row show the folded EVEREST 1.0 and EVEREST 2.0 light
curves, respectively, and the third shows the POSS high resolution image of the
target postage stamp with my adopted aperture indicated in red. The magnitudes
of the target and its bright neighbors are also indicated. While EVEREST 1.0 severely
overfits the eclipses of all five targets, EVEREST 2.0 preserves the eclipse depths in
all but the last one. . . . . . . . . . .
The four transits of TRAPPIST-1h. The detrended short cadence data is shown
as black dots. Orange curves are these data binned to 30-minute cadence, and red
curves are the detrended long cadence data. The transits of TRAPPIST-1h and
other planets are indicated with red letters. Corrections had to be made to remove
the simultaneous transit of b in transit 3 and a near-simultaneous flare in transit 4.
The uncorrected data for these transits is shown in the middle row, and the data

with these features removed is shown in the bottom row. . . . . . ... ... ...
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The short cadence data in the vicinity of transit 4 of planet TRAPPIST-1h, where
a small flare is visible. The transit of TRAPPIST-1h occurs ~60 short cadences (1
hr) after the peak of the flare. A least-squares fit to the flare is shown in red; the
data during the transit of TRAPPIST-1h is clearly lower than the baseline.

The short cadence data folded on the four transits of TRAPPIST-1h after correcting
for TTVs and subtracting a simultaneous transit of TRAPPIST-1b and a near-
simultaneous flare. Other transits of TRAPPIST-1b to g have not been removed
and are visible in parts of the data. The data downbinned by a factor of 30 is shown
as the orange line, and a transit model based solely on the Spitzer parameters is
shown in red. The residuals (data minus this model) are shown at the bottom.
Delta-chi squared (top) and delta chi-squared conditioned on the true depth (bot-
tom) for each long cadence in the TRAPPIST-1 EVEREST light curve. The four
transits of TRAPPIST-1h are indicated with red arrows. In the top plot, spikes
appear at the location of several flares, as these can be fit with inverted transits.
Conditioning on the true depth (bottom) removes many of these features by penal-
izing transit depths that are inconsistent with the observed Spitzer value. . . . . .
Delta-chi squared values as a function of orbital period for TRAPPIST-1h, taking
the Spitzer transit time and assuming perfectly periodic orbits (top) and allowing
for TTVs of up to 1 hr (bottom). The period of TRAPPIST-1h (18.766d) and its
aliases emerge as the strongest peaks in both plots. . . . . . ... ... ... ...
The long cadence K2 light curve of TRAPPIST-1 detrended with EVEREST. a, b:
The full detrended K2 light curve with stellar variability removed via LOESS regres-
sion (order = 1; width = 0.15d). Data points are in black, and our highest likelihood
transit model for all seven planets is plotted in thin grey. Coloured diamonds in-
dicate which transit belongs to which planet. Four transits of TRAPPIST-1h are
observed (light blue diamonds). ¢ The top four curves show the detrended and
whitened short-cadence in light blue, with a transit model based on the Spitzer pa-
rameters in dark blue. Binned data is over-plotted in white for clarity. The folded
light curve is displayed at the bottom. d View from above (observer to the right) of
the TRAPPIST-1 system, at the date when the first transit was obtained for this
system. The grey region is the surface liquid-water habitable zone. . . . . . . ..
Possible short term evolution of the eccentricity, obliquity and tidal heat flux of the
TRAPPIST-1 planets. The different planets are represented by different colors from
black (planet b) to light pink (planet h). . . . . . .. ... ... ... ...
The entire systematics-corrected K2 dataset with low frequency trends removed.
The stellar rotation is apparent in the peaks and troughs of the variability, as are the
flares which in some cases appear as single spikes. The planet transits are marked.
a: Full dynamic range of the curve, including an extreme event at approximately

day 113. b: Zoomed view of the region outlined in gray ina. . ... ... ... ..
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Progression of NASA flagship space telescope mirror sizes, 1990-20204. The diam-
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Predicted 5577A auroral power as a function of planetary magnetic dipole moment
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Orbital broadening of the 5577A OI line as a function of the exposure time for
observations made at different orbital phases: 90° (quadrature), 100°, 135°, and
180° (full phase). The FWHM given by Equation (168) (0.014A) is indicated by a
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all other phases, the broadening is larger and can cause a significant increase in the
FWHM in ~1 hour. . . . . . . . . . . . e
Simulated high-resolution visible spectrum of Proxima Cen b with a 0.1 TW OI
auroral emission at 5577 A. A grey geometric albedo of 0.3 is assumed for the
planet. The spectrum is calculated at quadrature phase and scaled to the observing
distance (1.302 PC). . . . . o o o
Planet-star contrast ratio contours as a function of telescope resolving power and
OI auroral power. The full width at half maximum (FWHM; dashed-orange) of
the line and equivalent width (W) as a function of auroral power (dashed-white)
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contrast. . . . . . ..
Top: Similar to Fig. 81, but displays telescope integration time contours as a func-
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Results from the grid search over inclination (4), period (P), and mean longitude
(M) for the strongest 5577A planetary signal. The inclination grid spans the range
30° — 90° in increments of 1°. The period and mean longitude grids are centered
on the best-fit values reported in Anglada-Escudé et al. (2016) and span the +3c
range in increments of 0.250. In total, 37,440 different orbital configurations for
Proxima Cen b were considered. The curves along the main diagonal show the frac-
tional amplitude of the bin centered on the OI line as a function of inclination (top
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longitude plots, the dashed line is the value reported in the discovery paper, with
the 1o bounds shaded in gray. The colormaps show the joint distributions of signal
strengths for pairs of the three orbital parameters (black highest, white lowest). The
peak signal is indicated by the red lines and occurs at ¢ = 52°, P = 11.1845 days,

and A = 126°, with detection significance ~0.70. As I argue below, this signal has

a very high false alarm probability (FAP ~0.2) and is entirely consistent with noise. 269

The HARPS spectra of Proxima Centauri. After removing stellar and telluric lines,
the individual spectra are Doppler-shifted into the frame of Proxima Cen b according
to the orbital parameters corresponding to the peak signal in Fig. 83. The spectra
are then normalized and distributed vertically on the main subplot according to the
planet’s orbital phase. Blue regions indicate a small (0.2A) window centered on the
5577A oxygen feature in the planet frame. Red and green regions indicate the same
window in the star and Earth frames, respectively; note the residual telluric airglow
features in many of the spectra. The bottom subplots show the stacked spectrum in
the planet frame and the stacked spectrum after downsampling to bins of size equal
to the instrumental FWHM of the line (0.05A). The peak recovered by the grid
search is evident in both the stacked and the binned flux. The inset at the center
left shows a histogram of the amplitude of deviations from the median in bins across
a 250A window centered on the OI line, indicating a signal-to-noise ratio (SNR) of
about 4 in the 5577A bin. Despite the apparent strength of this detection, further
analysis yields a detection significance of only ~0.70, with false alarm probability
~20% (see Fig. 86). . . . . . .
The peak signal in each wavelength bin in the vicinity of the 5577A line. The
fractional signal (y axis) is the flux in the bin divided by the continuum, and would
roughly correspond to a planet-star contrast ratio if the signal were real. The peak
signal at the 5577A line (0.70) is indicated by the dashed red line. About 20% of
the bins display stronger peak signals than the 5577A bin, leading to a FAP for
the 5577A signal of ~20%. Note also the strong correlated noise as a function of
wavelength, likely due to improperly subtracted time-variable stellar features. . . .
The distribution of the signal strength over the wavelength grid in Fig. 85. The bin
corresponding to the peak 5577A signal is indicated with a red dashed line; given

the large FAP, the recovered signal is fully consistent with noise. . . . . .. .. ..
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The orbits of the seven planets in the TRAPPIST-1 system as seen from Earth,
assuming the mean orbital parameters from Gillon et al. (2017) and Luger et al.
(2017). The thickness of each orbital track is the planet diameter. The aspect ratio
of the plot is 100:1, but all horizontal and vertical distances are to scale. The star
is shown in orange for reference. Because of the compactness of the system, its near
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Pole-on diagram of coplanar orbits for planets b and c¢. The light colored circles
(red and orange) are the orbits assuming zero eccentricity, while the darker ellipses
are for e, = e. = 0.1. The position of the planets at the PPO in the circular case
(blue dashed line) is offset from the eccentric case (green dashed line) by Az. The
observer is located at (0,—00). . . . . ... Lo
(Top) Simulated timing offsets for TRAPPIST-1b,c with an arbitrary eccentricity
(red dots) and 5-minute Gaussian noise; the blue curve shows the noise-free compu-
tation. The optimized linear fit captures the timing offsets well (dashed green), and
recovers the correct eccentricity vectors (Table 8). (Bottom) The amplitude due to
each eccentricity vector component is shown; each of these has a different functional
form, which is what allows the eccentricity vectors to be recovered. . . . . . . . ..
Geometry of a region of constant surface brightness on the planet surface, seen from
three different vantage points. In general, such a region is a thin spherical segment
of radius a = rsin ¢, where r is the radius of the body and ¢ is the zenith angle.
The boundaries of each region are circles, which when projected onto the sky plane
become ellipses with semi-major axis a and semi-minor axis b = asinf, where 6 is
the phase angle. In this example, I show a spherical cap extending to ¢ = 7 for a
planet at 6§ = ¥. Note that a portion of the elliptical boundary is behind the limb
of the planet (dashed lines). See text for details. . . . ... ... ... .. ... ..
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An example of the integration scheme for a planet-planet occultation. The occultor
O is at the top left and the occulted planet P is at the bottom right. The latter is
an airless body at a phase angle § = T with a radiance given by Equation (192).
This gradient is discretized into regions of constant radiance, shaded accordingly
in the figure. The day/night terminator is indicated by the dashed curve, and the
sub-stellar point faces the observer. The flux of P that is occulted by O is computed
by identifying all intersection points x,, between curves (red points) and summing
the integrals over each of the regions in both P and O that are bounded by adjacent
pairs of these points. As the boundary functions f; of these regions (dark blue
curves) are either circles or ellipses, all integrals are analytic. The total occulted
flux is then the product of the area A; of each region and its radiance. . . . . . . .
Orbital geometry (top) and phase curve (bottom) of an “eyeball” planet in an ec-
centric, inclined orbit computed with planetplanet using the relations derived in
§10.3.2.3. The eccentricity vector is (esinw, ecosw) = (0,0.5), with pericenter to
the right of the plot. The orbital plane is parallel to the z axis (2 = 0°) and inclined
into the sky plane with I = 60°. Orbital phases are labeled; these are defined such
that transit would occur at a phase of 0.5. The lower panel shows the phase curve
of the planet in arbitrary units. . . . . . . . ... oL o o
Rescaled transit duration, 7", versus orbital period. The median impact parameter,
b, and radius ratio, p = /R, is used to compute 7" = T/((1 + p)? — b*)1/2. A
curve with 7" oc P'/3 is overplotted assuming a stellar density of p, = olpg. . . ..
Probability of polar angle scatter, oy, marginalized over p, and assuming circular
orbits for the planets (blue dots/line). Cumulative probability distribution shown
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Density of the star, p,, in units of the Solar density, ps, marginalized over oy. Best-
fit Gaussian (blue curve), and double-sided Gaussian (green) with uncertainties from
Gillon et al. (2017).. . . . . o o
Three years of planet-planet occultations in TRAPPIST-1, for a single random
draw from the orbital parameter distributions in Table 9. The system is seen from
above, with the observer located towards the bottom of the plot and planets orbiting
counter-clockwise. The initial orbital outlines of each of the seven planets are shown
in grey, and each occultation is indicated as a colored circle placed at the location
of the occulted planet at the time of the event. Circle colors correspond to different
occultors: black is an occultation by the star (i.e., secondary eclipse), red is an
occultation by b, and so forth (see legend at top left). Circle sizes are proportional
to the event duration (legend at top right), and the transparency is proportional to
the impact parameter (legend at lower right). The “X”s indicate mutual transits,

or planet-planet occultations occurring on the face of the star. . . . . . . . . .. ..

XXix

310



98

99

100

101

102

Posterior distributions for the mean longitude, impact parameter, and duration of all
occultations of TRAPPIST-1b, plotted using the corner package (Foreman-Mackey,
2016). Panels at the top of each column are the marginalized distributions; other
panels are the joint posteriors, where the darkness is linearly proportional to the
probability density. These distributions are marginalized over the uncertainties on
the orbital parameters of all bodies in the system. Occultations of b are piled up
in phase near quadrature and transit. Grazing occultations are most common, but
near-full occultations still occur frequently. Occultations lasting about 5 minutes
are typical, with a long tail toward durations exceeding one hour. The longest events
are occultations by c occurring between transit and quadrature. . . . . . . . .. ..
Same as Figure 98, but for occultations of TRAPPIST-1c. The distributions are
qualitatively similar to those of b, although now the vast majority of occultations
are by b, occurring halfway between quadrature and secondary eclipse. . . . . . . .
Frequency of planet-planet occultations in TRAPPIST-1 for each of the planets,
marginalized over all system parameters. Only occultations with impact parame-
ter b < 0.5 and duration At > 10 minutes are included. The legend shows the

expectation value and the standard deviation for the occultation frequency of each

A light curve of TRAPPIST-1 over ten days at 15um, generated from a random draw
from the orbital parameter distributions (Table 9). All transits, secondary eclipses,
and planet-planet occultations are labeled with the occulted body name and colored
according to the occultor (see legend at the top). The planets are assumed to have
thin atmospheres, giving rise to a bright dayside and a dark nightside. This results in
distinct phase curves, which are visible in the figure; the overall signal is dominated
by the phase curves of b and c. Stellar variability is not modeled. Note that a
simultaneous (but not mutual) transit of b and f occurs at t =4 days. . . . .. ..
An occultation of TRAPPIST-1c by TRAPPIST-1d at 15um as ¢ approaches quadra-
ture, for two different atmospheric regimes: the thick atmosphere limit (blue curves)
and the airless body limit (green curves). In the former case, the planet disk is
radially symmetric, and the light curve is symmetric about the midpoint of the oc-
cultation (¢ = 0). In the latter case, the stark day/night temperature contrast leads
to an asymmetry in the light curve and a shift in the time of flux minimum. The
light curves at 15 pm are shown in the top panel. Below it, I plot the difference of
the two curves, showing that the day/night temperature contrast corresponds to a
~80 ppm signal. However, if the time of occultation, the albedo of the planet, and
the duration of the event are not known a priori, discrimination between an airless
planet and one with a thick atmosphere must be made based on the shape alone.
To this end, in the third panel, I shift and scale the green curve so that the timing,
duration, and depth coincide with those of the blue curve. The residuals are shown

in the bottom panel: the curves are different at the ~10 ppm level. . . . . . . . ..
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A simulated triple occultation of TRAPPIST-1¢ by TRAPPIST1-b seen with JW-
ST/MIRI at 15um with 10 minute exposures over 17 hours. The top panel shows
the orbital positions of b and ¢ during each of the events, seen from above the or-
bital plane; the observer is towards the bottom. The lower panel shows the full light
curve (green), the light curve binned to the exposure time (blue), and the simulated
observations with 1o error bars (black). From left to right, ¢ overtakes b and is
occulted; b overtakes ¢ and occults it again; b and c are successively occulted by
the star; ¢ overtakes b a final time and is occulted. While the simultaneous eclipse
of b and c is detectable above the noise (SNR~7.3) in a single observation, the
occultations of ¢ by b are not. The deepest one, occuring at ¢ = 0.27 days (when ¢
is close to full phase), has SNR~1.4. Several of these must be stacked in order to
permit detections of PPOs in TRAPPIST-1 with JWST. . . . . .. ... ... ...
Similar to Figure 103, but showing ten stacked observations of an occultation of
TRAPPIST-1c by TRAPPIST-1b seen with JWST/MIRI at 15um with 5 minute
exposures. The phase curves have been removed. The occultation is detectable
above the noise with SNR~5.0. . . . . . . . . ... .
Expected signal-to-noise ratio (SNR; black curve) for ten stacked occultations of
TRAPPIST-1c by TRAPPIST-1b observed in each of the nine JWST/MIRI photo-
metric filter bands. Filter throughput curves are shown in color and are plotted on
the right y-axis. . . . . . . . . L
Expected signal-to-noise (SNR; black curve) for an occultation of TRAPPIST-1c
by TRAPPIST-1b if observed with the Origins Space Telescope (OST). Dashed
blue and red curves are plotted on the right y-axis and show PPO signal and noise
terms (see Equation 222), respectively, in units of parts-per-million (ppm) of total
photons observed from the system during the occultation. OST calculations assume
30% throughput in a 5 um wide filter centered at each wavelength. . . . . ... ..
Similar to Figure 103, but for a single pointing of the Origins Space Telescope,
assuming a 12m diameter mirror and an observation in a filter between 10-30 pm
with a throughput of 30%. The exposure time is 5 minutes. All three planet-planet
occultations of TRAPPIST-1c are detectable above the noise. The deepest one has
SNRAB.G. e
An example of a triple mutual transit across a star with an arbitrary limb dark-
ening profile in a hypothetical system. The integration scheme in planetplanet
is completely general and allows one to easily calculate occultation light curves for
arbitrary numbers of overlapping bodies. In this example, I use a simple linear limb
darkening law with a limb-to-center contrast that decreases linearly with wavelength,

resulting in changes to the transit depth and shape at different wavelengths. . . . .
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Similar to Figure 93, but for a planet with an offset hotspot. The orbital parameters
are identical to those in the previous figure, but the hotspot has a latitudinal offset
® = 30° (northward) and a longitudinal offset A = 60° (eastward). The phase curve
is shown as the black line in the lower panel; for reference, the phase curve for the
default (no offset) case is shown in grey. . . . . . ... ... .. ... ...
Number of known exoplanets as a function of time. This number has grown expo-
nentially since 1990, with a doubling time of approximately 27 months. Credit: Eric
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Introduction

The Tip of the Iceberg

The end of my first year in graduate school—2013—marked the 50th anniversary of the discovery
of the planetary system around Barnard’s star (van de Kamp, 1963), comprised of two mutually
inclined sub-Jupiter size planets in 12- and 26-year orbits around a nearby M dwarf, the first
exoplanet system to be discovered (van de Kamp, 1969). Incidentally, 2013 was also the year of
the most conclusive undiscovery of those planets (Choi et al., 2013). While Choi et al. (2013)
definitively ruled out the existence of van de Kamp’s planets with high precision radial velocity
monitoring of the star, the astronomy community had long regarded the initial detection as spurious
(e.g., Gatewood and Eichhorn, 1973; Benedict et al., 1998; Kiirster et al., 2003). In fact, the
putative planetary system around Barnard’s star has been the butt end of jokes for quite some
time. A few years ago, at a conference talk discussing the large occurrence rate of exoplanets
around low mass stars inferred from Kepler data, I heard an astronomer quip that “every star in
the sky except for Barnard’s star has a planet in orbit around it.”

It is quite unfortunate that Peter Van de Kamp’s legacy is the Barnard’s star affair. Van
de Kamp was a brilliant astronomer, a pioneer in the field of astrometry, and the well-respected
telescope director at the nation’s top liberal arts college!. However, there are three lessons to be
learned from it. In one way or another, these lessons, taken together, capture the essence of this
dissertation.

First, regarding the quote above: according to the latest occurrence rates, low mass stars host
on average 2.5 small planets in orbits within 200 days (Dressing and Charbonneau, 2015). It is
therefore more likely than not that Barnard’s star—a low mass M dwarf and the second closest
neighbor to the Sun—hosts a planetary system, along with most of the M dwarfs in the galaxy.
It was only in 1995 that the first planet was conclusively discovered around a main-sequence star
(Mayor and Queloz, 1995), but since then the number of known exoplanets has grown exponentially:
as of this writing, we know of 2,950 confirmed exoplanets, with another 2,337 candidates in the

works?. And the exponential rate of discoveries shows no signs of slowing down: upcoming missions

1Swarthmore College, this author’s beloved alma mater.
2Numbers taken from exoplanets.org (Han et al., 2014).
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Figure 1: Astrometric measurements of Barnard’s star from photographic plates by Peter van de
Kamp from 1938-1969, reproduced from van de Kamp (1969). The left panel shows the data in
right ascension (top) and declination (bottom) along with the model fit for the two planets. The
panel on the right shows their sky-projected orbits. (©AAS. Reproduced with permission.

such as TESS and PLATO are expected to unveil several thousands more in the next few years
(Sullivan et al., 2015; Rauer et al., 2014). While van de Kamp may have been wrong about his

particular planetary system, he was keenly aware of this imminent revolution:

Could this be the first ‘tip (or tips) of the iceberg’? How many planetary systems may
be ready for discovery, and are patiently awaiting astrometric studies, by conventional

photographic or other techniques? — van de Kamp (1986)

Second, unbeknownst to van de Kamp at the time, M dwarfs offer the best opportunities to
both detect and characterize potentially habitable exoplanets. M dwarfs are a class of stars smaller
than the Sun, with masses ranging from about 0.08 Mg—the minimum mass for hydrogen fusion
to take place at a star’s core—to about 0.6 Mg. M dwarfs are also extremely faint; so faint, in
fact, that even though they are the most common stars in the galaxy, none can be seen with
the naked eye3. Because of their low luminosities, the habitable zone (HZ)—the region around
a star where liquid water is possible on the surface of a terrestrial planet—is closer in, which
increases the detectability of planets therein (e.g., Baraffe et al., 1998; Reid and Hawley, 2005).
In particular, it increases the geometric probability that the planet will transit the face of its
star and be photometrically detectable. In contrast to planets in the HZ of Sun-like stars, whose
orbital periods (like Earth’s) are several hundreds of days, planets in the HZ of M dwarfs have
orbital periods ranging from just a couple to a few tens of days. In any given time interval, they

will thus be seen to transit ten to one hundred times more than a corresponding planet around a

3Barnard’s star, the fourth closest star to the Sun, is about six magnitudes fainter than the faintest star visible
to the naked eye.



Sun-like star. Moreover, the smaller sizes of M dwarfs—at the lower end, these are barely larger
than Jupiter—mean that during a transit, a terrestrial planet will block a much larger fraction
of the star’s light, resulting in a larger photometric signature. On the characterization front, M
dwarf planets are similarly more amenable to being studied with transit transmission or secondary
eclipse spectroscopy, for the same reason: a smaller star means a larger relative signal due to the
planet. This is a point that I will return to throughout this dissertation: M dwarf planets are
currently our best shot for understanding potentially habitable exoplanets, so we must tirelessly
pursue them on both observational and theoretical fronts.

Third, and finally, the spurious detection of the planetary system around Barnard’s star was
almost certainly due to unmodeled instrumental noise. Van de Kamp used observations made
with photographic plates to infer the astrometric motion of Barnard’s star, claiming variations in
the position of the star on the plate at the level of a few microns. Disassembly of the telescope
for cleaning in the 1940s—halfway through the astrometric dataset—changed its focus, leading to
an offset in subsequent measurements at that level (Kent, 2001). Additional instrumental effects
contributed to what appeared to be astrometric signals (Hershey, 1973). In fact, van de Kamp’s
astrometric solution based on the original dataset suggested a single companion 1.6 times the mass
of Jupiter (van de Kamp, 1963); the presence of a second companion had to be invoked six years
later after the collection of more data (van de Kamp, 1969). Additional observations required even
more changes to the orbital solutions (van de Kamp, 1975). In hindsight, this was a clear red flag
suggesting that van de Kamp was merely fitting noise. Fifty years later, as we continue the search
for planets around nearby stars, it is more important than ever that we understand the sources of
noise in our datasets and learn to properly account for and remove them. This will not only ensure
we are not tricked into detecting signals that are not there, but if done carefully, can also increase
our sensitivity to smaller signals, pushing the frontiers of exoplanet detection and characterization
towards our ultimate goal of detecting a habitable, Earth-like exoplanet. Again, van de Kamp said

it best:

We shall always be confronted with threshold limitations, a natural condition of research,
very much so of the present long-focus photographic astrometric approach. But should
we not come to the rescue of a cosmic phenomenon which may be trying to reveal itself

in a sea of errors? — van de Kamp (1986)



Dissertation Overview

This dissertation focuses on the detection, characterization, and evolution of potentially habitable
planets orbiting M dwarf stars. The topics I will cover below are quite diverse and are by no
means a comprehensive analysis of all that we know about these planets and their detectability.
Rather, I focus on specific topics within the overarching theme of M dwarf habitability, and connect
them with applications to specific planetary systems. The dissertation is divided into three parts,

described below.

Part I: The Evolution of Small Planets in the Habitable Zones of M Dwarfs

Part T concerns topics in the evolution of planets in the HZs of M dwarfs. Modeling the physical
processes that shape planets in the HZ is paramount to understanding their present-day poten-
tial for habitability and guiding efforts to select targets for detailed follow-up observations. As
efforts to detect and characterize these planets improve, it is more important than ever that we
have a solid physical understanding of the evolutionary pathways these planets undergo so that
observations can be correctly interpreted and placed in context. It is now clear that the envi-
ronment in which M dwarf planets form and evolve is drastically different from that of Earth or
other planets orbiting Sun-like stars. Planets around M dwarfs are generally believed to form more
quickly; those that form in situ may also be smaller and drier than those orbiting Sun-like stars
(Lissauer, 2007; Raymond et al., 2007). Recent evidence based on results from the Kepler mission
suggests the planet formation process around these stars is quite different, typically resulting in
the formation of larger numbers of smaller planets, which is at odds with the predictions of classic
planet formation models (Mulders et al., 2015). Once formed, these planets also undergo markedly
different evolution, as they are exposed to strong high energy photon and particle radiation from
their magnetically active host stars (e.g., Scalo et al., 2007; Segura et al., 2010) and may experi-
ence strong tidal forces that can shape their orbits and even lead to runaway heating of the planet
surface (Barnes et al., 2013). In this part of my dissertation, I focus on yet another important
difference: the extended pre-main sequence phase of M dwarfs, which causes elevated stellar fluxes
in the habitable zone for up to several hundreds of Myr. I show how this can drive terrestrial
planets into runaway greenhouses, during which their oceans boil and can quickly escape to space,

and how it can lead gas-rich planets to shed their envelopes and transform into volatile-rich planets



with solid or liquid water surfaces. I discuss how these vigorous atmospheric escape processes can
either severely limit or potentially enhance these planets’ potential for habitability. I finally argue
that a detailed understanding of the history of atmospheric escape on M dwarf planets is crucial
to selecting the best targets for future characterization efforts and interpreting the results of these

observations.

Part II: The Detection of Planets in the Habitable Zones of M Dwarfs via the Transit
Method

Part II discusses the detection of planets via the transit method, with application to TRAPPIST-
1, a nearby M dwarf hosting three terrestrial-size planets in the habitable zone. I introduce
EVEREST, a photometric pipeline to remove instrumental noise from observations made with K2,
the repurposed Kepler spacecraft. Because of two failed reaction wheels, the spacecraft is unable to
achieve the fine pointing precision required for the detection of small transiting planets. Software-
based techniques such as EVEREST are needed to de-trend the raw data so that it can be used to
search for and characterize exoplanets. I show how EVEREST light curves enable the refinement
of exoplanet parameters derived from light curves and the detection of small exoplanets whose
transit signals are below the noise floor of other K2 pipelines. This is particularly important
for terrestrial planets in the habitable zone, whose transit signals are small. T apply my results
to TRAPPIST-1, using its K2 light curve to study the rich chain of planet resonances in the
system and confirm the existence of its outermost planet, TRAPPIST-1h, which I find is likely
too cold to be habitable under a terrestrial N3 /CO2/H20 atmosphere. Finally, while I discuss the
implementation of EVEREST for K2, the techniques I develop are not specific to this mission or even
to the detection of exoplanets, but can be applied to refine the precision of data collected by any

CCD photometer subject to detector sensitivity variations or other sources of instrumental noise.

Part III: Novel Techniques to Detect and Characterize Planets in the Zones of M

Dwarfs

In the final part of this dissertation, I continue my work on the detection of small planets, but this
time turn to novel methods that have until recently not been feasible due to the faintness of the

signals involved. As van de Kamp put it, the sky is filled with “cosmic phenomen[a] which may be



trying to reveal [themselves] in a sea of errors.” T discuss the production and detectability of auroral
signals from terrestrial planets orbiting nearby M dwarfs, with particular emphasis on the claimed
planet in the habitable zone of Proxima Centauri b, the closest star to the Sun (Anglada-Escudé
et al., 2016). Because of the extreme magnetic activity of the star, auroral emission from this
planet could be 100-10,000 times stronger than on Earth, a signal I show is potentially detectable
with the next generation of telescopes. Such a detection would not only confirm the existence of
the planet, but could be used to map out the three-dimensional structure of its orbit, its mass,
and its atmospheric composition. I also discuss the detectability of planet-planet occultations
(PPOs) in nearby multi-planetary systems, with application to TRAPPIST-1. I show how PPOs
are extremely frequent and will soon be detectable by the James Webb Space Telescope and other
next generation instruments. Like exo-aurorae, these can be leveraged to map out the three-
dimensional structure of the planetary system, but can also be used to infer crude surface maps of

planets, including those in the habitable zone.

Relevance to Astrobiology

One of the primary goals of the field of astrobiology is to “determine the distribution of habitable
environments and life in the Universe” (2015 Astrobiology Strategy Document; Hays, 2015). The
Strategy Document further highlights the importance of studies that “observe and characterize
potentially habitable exoplanets.” The three parts of this dissertation fulfill these and other objec-
tives presented in Section 5 (Identifying, exploring, and characterizing environments for habitability
and biosignatures) and Section 6 (Constructing habitable worlds) of the Strategy Document.

Part I sheds light on the evolution of planets in the habitable zone, outlining processes that
can both help and hinder their habitability, addressing key points in Section 6.5.11 (What are the
exogenic factors in the formation of a habitable planet?) and Section 6.5.V (How does habitability
change through time?) of the Document.

Part II refines current methods to detect exoplanets, with applications to small planets in or
near the habitable zones of low mass stars. The techniques I develop specifically address Section
5.4.1V (How can we identify habitable planets and search for life beyond the solar system?). In the
final chapter of Part II, I apply my detection techniques to the TRAPPIST-1 system, which hosts

at least three potentially habitable planets.



Part IIT presents novel methods to characterize exoplanets, paying specific attention to the
potentially habitable exoplanet Proxima Centauri b and the ones in the TRAPPIST-1 system.
The tools I develop in this part further help address the points in Section 5.4.IV of the Strategy
Document by enabling the characterization of these planets’ atmospheres and surfaces and hence
probing their potential for habitability.

As a whole, this dissertation tackles several of the big picture aspects of astrobiology beyond
the Solar System, satisfying one of the principal objectives in the Strategy Document: “to un-
derstand how habitable worlds and environments form and evolve, better understand the range
of parameters that influence habitability, and determine how to detect, confirm, and characterize

habitable environments.”



Part 1I:
The Evolution of Small Planets in the

Habitable Zones of M Dwarfs



1 Overview

Portions of this chapter were originally published in collaboration with R. Barnes in the journal
Astrobiology (Luger and Barnes, 2015, Astrobiology, (©2015 Mary Ann Liebert, Inc.) and in
collaboration with R. Barnes, E. Lopez, J. Fortney, B. Jackson, and V. S. Meadows in the journal
Astrobiology (Luger et al., 2015, Astrobiology, ©2015 Mary Ann Liebert, Inc.), and are reproduced

below with the permission of Mary Ann Liebert, Inc.

The first part of this thesis concerns the evolution of planets in the habitable zones of M
dwarfs. As I mentioned previously, these low mass stars currently offer the best opportunity for
the detection and characterization of potentially habitable planets, and yet the true potential of
their planets to host life is all but unknown. In fact, recent studies suggest planets orbiting M
dwarfs must deal with a whole slew of challenges that could preclude their habitability, including
potentially dry formation conditions (e.g., Lissauer, 2007), prolonged exposure to high energy
photon and particle irradiation (e.g., Scalo et al., 2007; Segura et al., 2010), and detrimental tidal
heating of the surface (Barnes et al., 2013). Understanding these challenges in detail is therefore
critical to the field of astrobiology, especially as we begin to probe these planets’ atmospheres in
search of habitability markers.

In this section, I review aspects of stellar evolution, atmospheric evolution, and tidal evolution
relevant to planets orbiting M dwarfs. I define the habitable zone and its evolution in time and
discuss the problems that all of these processes pose to habitability. Next, in Chapter 2, I discuss
how vigorous atmospheric escape could lead to the loss of a terrestrial planet’s surface water
inventory and the buildup of oxygen in its atmosphere, turning the planet into a “mirage” Earth.
In Chapter 3 I adopt a more optimistic view: the same atmospheric escape processes that can
desiccate terrestrial planets could also remove the gaseous envelopes from gas-rich “super-Earths”

and “mini-Neptunes”#, which I argue could form potentially habitable evaporated cores.

4The terms “super-Earth” and “mini-Neptune” have rather loose definitions and are often used to refer to the
same kind of planet: a planet with a mass in between that of Earth and Neptune, of which there is no analogue
in our solar system. In general, “super-Earth” connotes a primarily terrestrial planet—in some sense, a scaled-up
version of Earth. By contrast, a “mini-Neptune” suggests a largely gaseous body and thus a scaled-down version
of Neptune; in this and subsequent chapters, I adopt this convention when referring to these planets. While these
planets are extremely common in the sample of transiting exoplanets discovered by Kepler, their actual compositions
are not yet well understood.
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1.1 Stellar Evolution

Following their formation from a giant molecular cloud, stars contract under their own gravity
until they reach the main sequence (MS), at which point the core temperature is high enough to
ignite hydrogen fusion (e.g., Hayashi, 1961). While the Sun is thought to have spent < 50 Myr
in this pre-main sequence (PMS) phase (Baraffe et al., 1998), M dwarfs take hundreds of Myr to
fully contract; the lowest mass M dwarfs reach the main sequence only after ~ 1 Gyr (e.g., Reid
and Hawley, 2005). During their contraction, M dwarfs remain at a roughly constant effective
temperature (Hayashi, 1961), so that their luminosity is primarily a function of their surface area,
which is significantly larger than when they arrive on the main sequence. M dwarfs therefore
remain super-luminous for several hundred Myr, with total (bolometric) luminosities higher than
the main sequence value by up to two orders of magnitude. As I discuss in later sections, this will
significantly affect the atmospheric evolution of any planets these stars may host.

XUV emissions (1A < A < 1000A) from M dwarfs also vary strongly with time (West et al.,
2008). This is because the XUV luminosity of M dwarfs is rooted in the vigorous magnetic fields
generated in their large convection zones (Scalo et al., 2007). Stellar magnetic fields are largely
controlled by rotation (Parker, 1955), which slows down with time due to angular momentum
loss (Skumanich, 1972), leading to an XUV activity that declines with stellar age. However, due
to the difficulty of accurately determining both the XUV luminosities (usually inferred from line
proxies) and the ages (often determined kinematically) of M dwarfs, the exact functional form of
the evolution is still very uncertain (for a review, see Scalo et al., 2007). Further complications
arise due to the fact that the process(es) that generate magnetic fields in late M dwarfs may be
quite different from those in earlier type stars. The rotational dynamo of Parker (1955) involves
the amplification of toroidal fields generated at the radiative-convective boundary; late M dwarfs,
however, are fully convective, and have no such boundary. Instead, their magnetic fields may be
formed by turbulent dynamos (Durney et al., 1993), which may evolve differently in time from
those around higher mass stars (Reid and Hawley, 2005).

In a comprehensive study of the XUV emissions of solar-type stars of different ages, Ribas

et al. (2005) found that the XUV evolution is well modeled by a simple power law with an initial
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short-lived “saturation” phase:

L
Lxuv ( Lﬁi?’)gat t < teat
- L (1)
Lol (LXUV> < t ) t>t
Lbol sat tsat sats
where Lxyy and Ly are the XUV and bolometric luminosities, respectively, and § = —1.23.

Prior to t = ts.t, the XUV luminosity is said to be “saturated,” as observations show that the ratio
Lxuv/Lbol remains relatively constant at early times.

Jackson et al. (2012) find that tg ~ 100 Myr and (Lxuv/Lbol)sas = 1072 for K dwarfs. Similar
studies for M dwarfs, however, are still being developed (e.g., Engle and Guinan, 2011), but it is
likely that the saturation timescale is much longer for late-type M dwarfs. Wright et al. (2011)
show that X-ray emission in low mass stars is saturated for Pyt /7 < 0.1, where P, is the stellar
rotation period and 7 is the convective turnover time. The extent of the convective zone increases
with decreasing stellar mass; below 0.35Mg, M dwarfs are fully convective (Chabrier and Baraffe,
1997), resulting in larger values of 7 (see, e.g., Pizzolato et al., 2000). Low mass stars also have
longer spin-down times (Stauffer et al., 1994); together, these effects should lead to significantly
longer saturation times compared to solar-type stars. This is consistent with observational studies;
West et al. (2008) find that the magnetic activity lifetime increases from < 1 Gyr for early (i.e.,
most massive) M dwarfs to 2 7 Gyr for late (least massive) M dwarfs, possibly due to the onset
of full convection around spectral type M3. Finally, Stelzer et al. (2013) find that for M dwarfs,
B = —1.10+0.02 in the X-ray and 8 = —0.79 4 0.05 in the FUV (far ultraviolet), suggesting a

slightly shallower slope in the XUV compared to the value from Ribas et al. (2005).

1.2 The Habitable Zone

The habitable zone (HZ) is classically defined as the region around a star where an Earth-like
planet can sustain liquid water on its surface (Hart, 1979; Kasting et al., 1993). Interior to the HZ,
high surface temperatures lead to the runaway evaporation of a planet’s oceans, which increases the
atmospheric infrared opacity and reduces the ability of the surface to cool in a process known as the
runaway greenhouse (Ingersoll, 1969; Kasting, 1988; Nakajima et al., 1992). Surface temperatures
rise, causing more water evaporation and higher infrared opacity, until the temperature exceeds

the critical point of water and the atmosphere becomes predominantly water vapor. Eventually,

12



the planet heats up to the point that its blackbody emission peaks in the near infrared, where
atmospheric windows allow the planet to cool and establish radiation balance at a balmy ~1500
K.

Exterior to the HZ, greenhouse gases—gases, like water vapor, that absorb strongly in the
infrared—are unable to warm the planet. The elevated abundances of these gases needed to warm
the surface via greenhouse heating actually lead to increased Rayleigh scattering, which prevents
the downwelling stellar flux from reaching the surface in the first place. At a certain distance
from the star, these gases are therefore unable to maintain surface temperatures above the freezing
point, regardless of their abundance. Recently, Kopparapu et al. (2013) re-calculated the location
of the HZ boundaries as a function of stellar luminosity and effective temperature using an updated
one-dimensional, radiative-convective, cloud-free climate model. Their five boundaries are the (1)
Recent Venus, (2) Runaway Greenhouse, (3) Moist Greenhouse, (4) Maximum Greenhouse, and
(5) Early Mars habitable zones.

The first and last limits can be considered “optimistic” empirical limits, since prior to ~
1 and ~ 3.8 Gyr ago, respectively, Venus and Mars may have had liquid surface water. The
ability of a planet to maintain liquid water and to sustain life at these limits is still unclear and
probably depends on a host of properties of its climate. Conversely, the other three limits are the
“pessimistic” theoretical limits, corresponding to where a cloud-free, Earth-like planet would lose
its entire water inventory due to the greenhouse effect (2 and 3) and to where the addition of COx
to the atmosphere would be incapable of sustaining surface temperatures above freezing (4).

It is important to note, however, that considerable uncertainty exists on the limits discussed
above. Classical calculations of the HZ boundaries (Kasting, 1988; Kopparapu et al., 2013, 2014)
rely on one-dimensional models tailored to reproduce conditions on Earth and are unable to capture
changes in the atmospheric circulation and cloud formation mechanisms that occur as a planet
begins to warm. Recent studies such as those of Abe et al. (2011), Leconte et al. (2013), Yang
et al. (2014), and Kopparapu et al. (2016) used global climate models to show that the threshold
for a runaway greenhouse can be significantly higher than that predicted by 1D models and may
be quite sensitive to factors such as the planet’s rotation rate and surface water content.

Moreover, because stellar luminosities vary with time, the location of the HZ is not fixed. While

for K and G dwarfs the change in the location of the HZ is modest during the pre-main sequence
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phase, the HZ of M dwarfs moves in substantially during that time, changing by nearly an order
of magnitude for the least massive stars. Due to this evolution, planets observed in the HZ of
M dwarfs today likely spent a significant amount of time interior to the inner edge of the HZ,
provided they either formed in situ or migrated to their current positions relatively early. I discuss
the implications of this point in subsequent chapters.

Finally, it is important to note that the location of the HZ is also a function of the orbital
eccentricity e and the planet mass. The former is due to the fact that at a fixed semi-major axis

a, the orbit-averaged flux (F) is higher for more eccentric orbits (Williams and Pollard, 2002):

Lbol

£ = dra?y/1—e2

(2)

The dependence on mass is due to the fact that the pressure at the emission level of a saturated
atmosphere scales with surface gravity; at a higher pressure, the temperature of the emission level
is higher and the planet is able to cool more effectively, delaying the runaway state (Pierrehumbert,

2010).

1.3 Atmospheric Escape

Planetary atmospheres constantly evolve. Several mechanisms exist through which planets can lose
significant quantities of their atmospheres to space, leading to dramatic changes in composition
and in some cases complete atmospheric erosion (for a review, see Catling and Kasting, 2017,
Chapter 5). The early Earth itself could have been rich in hydrogen, with mixing ratios as high as
30% in the prebiotic atmosphere (Tian et al., 2005; Hashimoto et al., 2007). A variety of processes
subsequently led to the loss of most of this hydrogen; Watson et al. (1981) argue that on the
order of 102* g (~ 107°Mg) of hydrogen could have escaped in the first billion years. Similarly,
Kasting and Pollack (1983) calculated that early Venus could have lost an Earth ocean equivalent
of water in the same amount of time. Currently, observational evidence for atmospheric escape
exists for two “hot Jupiters,” HD 209458b (Vidal-Madjar et al., 2003) and HD 189733b (Lecavelier
Des Etangs et al., 2010), and one “hot Neptune,” GJ 436b (Kulow et al., 2014), whose proximity
to their parent stars leads to the rapid hydrodynamic loss of hydrogen.

Atmospheric escape mechanisms fall into two major categories: thermal escape, in which the

heating of the upper atmosphere accelerates the gas to velocities exceeding the escape velocity, and
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nonthermal escape, which encompasses a variety of mechanisms and may involve energy exchange
among ions or erosion due to stellar winds. While nonthermal processes certainly do play a role
in the atmospheric escape of planets in the HZ, the high exospheric temperatures resulting from
strong XUV irradiation probably make thermal escape the dominant mechanism for planets around
M dwarfs at early times (Kislyakova et al., 2013). However, the escape can be greatly enhanced by
flares and coronal mass ejections, which can completely erode the atmosphere of a planet lacking
a strong magnetic field (Lammer et al., 2007; Scalo et al., 2007). For a review of the nonthermal
mechanisms of escape, the reader is referred to Hunten (1982).

In this section I discuss the escape of two different but closely related types of atmospheres:
hydrogen-dominated atmospheres, like those of mini-Neptunes and gas-rich super-Earths, and
water vapor-dominated atmospheres, which one may expect for a water-rich terrestrial planet

undergoing a runaway greenhouse.

1.3.1 Escape of Hydrogen

Below I review three regimes of thermal escape relevant to hydrogen-rich atmospheres: Jeans
escape, energy-limited escape, and radiation/recombination-limited escape. While I focus on the
escape of hydrogen atoms, the formalism described below applies in principle to any atmosphere

whose dominant species is the one escaping.

1.3.1.1 Jeans Escape

In the low temperature limit, atmospheric mass loss occurs via the ballistic escape of individual
atoms from the collisionless exosphere, where the low densities ensure that atoms with outward
velocities exceeding the escape velocity will escape the planet. Originally developed by Jeans
(1925), who assumed a hydrostatic, isothermal atmosphere, the mass loss rate of a pure hydrogen

atmosphere is given by (Opik, 1963)

(L4 Xj)e ™

TN 3)

Y 2
My =4 R, nmpv:

where Reyo is the radius of the exobase, n is the number density of hydrogen atoms at the exobase,
my is the mass of a hydrogen atom, v; is the thermal velocity of the gas, and A is the Jeans

escape parameter, defined as the ratio of the potential energy to the kinetic energy of the gas and
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given by

o GMpmH

)\ = 7’
T KT o Rexo

(4)

where G is the gravitational constant, M, is the mass of the planet, and Tcy, is the temperature
in the (isothermal) exosphere. Since in the Jeans regime the thermal velocity of the gas is less
than the escape velocity, the bulk of the gas remains bound to the planet, and only atoms in the
tail of the Maxwell-Boltzmann distribution are able to escape. Jeans escape is thus slow. As an
example, the present Jeans escape flux for hydrogen on Venus is on the order of 10 atoms cm 25!
(Lammer et al., 2006), corresponding to the feeble rate of ~ 10~* g/s, which would remove only
one part in 10'! of the atmosphere per billion years.

For higher exospheric temperatures and/or larger values of Rey,, however, corresponding to
low values of Ay, the atmosphere enters a regime in which the velocity of the average atom in
the exosphere approaches the escape velocity of the planet. In this regime, the bulk of the upper

atmosphere ceases to be hydrostatic (and isothermal), (4) is no longer valid, and the escape rate

must be calculated from hydrodynamic models.

1.3.1.2 Hydrodynamic Escape

One of the primary mechanisms for heating the exosphere and decreasing A is via strong XUV
irradiation. XUV photons are absorbed close to the base of the thermosphere, where they deposit
energy and heat the gas via ionization (usually of atomic hydrogen). This heating is balanced
by the adiabatic expansion of the upper atmosphere, downward heat conduction, and cooling
by recombination radiation. For sufficiently high XUV fluxes, the expansion of the atmosphere
accelerates the gas to supersonic speeds, at which point a hydrodynamic wind is established similar
to the solar Parker wind (Parker, 1965). Once the gas reaches the exosphere, it will escape
the planet provided its kinetic energy exceeds the energy required to lift it out of the planet’s
gravitational well.

Since the kinetic energy of a hydrogen atom at the exobase is %kTCXO, the condition Ay < 1.5
implies that the kinetic energy of the gas is greater than the absolute value of its gravitational
binding energy, and it should therefore begin to escape in bulk in a process commonly referred to as

“blow-off.” Unlike in the Jeans escape regime, where the mass loss occurs on a per-particle basis,
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blow-off leads to the rapid loss of large portions of the upper atmosphere, irrespective of particle
species, as atoms and molecules heavier than hydrogen are carried along by the hydrodynamic wind.
However, contrary to what Opik (1963) suggests, the mass loss in this stage is not arbitrarily high,
since once blow-off begins the upper atmosphere can no longer be treated as isothermal. As the
exosphere expands it also cools, so that in the absence of an energy source the value of Ay will tend
to increase, thereby moderating the blow-off. The mass loss is, in this sense, “energy-limited,” and
may be calculated by equating the energy input to the energy required to drive the escape.
Originally proposed by Watson et al. (1981), the energy-limited model assumes that the XUV
flux is absorbed in a thin layer at radius Rxyy where the optical depth to stellar XUV photons is
unity. Recently updated to include tidal effects by Erkaev et al. (2007), this model approximates

the mass loss as

exuvTFxuv Ry Ry v (5)

Mgy, &
BL GMpKtide (6)

where exyy is the heating efficiency parameter (see below), Fxyy is the incident XUV flux, R,
is the planetary radius, and Kjiiqe is a tidal enhancement factor, accounting for the fact that for
sufficiently close-in planets, the stellar gravity reduces the gravitational binding energy of the gas

such that it need only reach the Roche radius to escape the planet. Erkaev et al. (2007) show that

Ko = (1- 5+ 357). (6)

where the parameter £ is defined as

RRoche
= “Roche 7
Rxuv ()
with
B Mp 1/3
RRoche = (3M* ) a, (8)

where M, is the mass of the star and a is the semi-major axis. The XUV absorption radius Rxyv
is typically no more than 10-20% larger than the planet radius R,, and is often taken to be equal

to R, for simplicity (Murray-Clay et al., 2009; Lopez et al., 2012).
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Since the input XUV energy is balanced in part by cooling radiation (via Lyman « emission in
the case of hydrogen) and heat conduction, only a fraction of it goes into the adiabatic expansion
that drives escape. Rather than running complex hydrodynamic and radiative transfer models to
determine the net heating rate, many authors (Jackson et al., 2010; Leitzinger et al., 2011; Lopez
et al., 2012; Koskinen et al., 2013a; Lammer et al., 2013) choose to fold the balance between XUV
heating and cooling into an efficiency parameter, exyv, defined as the fraction of the incoming
XUV energy that is converted into PdV work. Because of the complex dependence of exyy on the
atmospheric composition and structure, its value is still poorly constrained. Lopez et al. (2012)
estimate exyy = 0.2 £ 0.1 for super-Earths and mini-Neptunes based on values found throughout
the literature. Earlier work by Chassefiere (1996a) estimates exyy < 0.30 for Venus-like planets
but the author argues that the actual value may be closer to 0.15. Recently, Owen and Jackson
(2012) found X-ray efficiencies < 0.1 for planets more massive than Neptune, but higher efficiencies
(~ 0.15) for terrestrial planets. Moreover, Shematovich et al. (2014) argue that studies that assume
efficiencies higher than about 0.2 probably lead to overestimates in the escape rate.

Unlike Jeans escape, hydrodynamic blow-off is fast. Chassefiere (1996a) calculates the maxi-
mum hydrodynamic escape rate from the early Venusian atmosphere to be ~ 105 g/s, ten orders
of magnitude higher than the present Jeans escape flux (see § 1.3.1.1). Although there has been
debate over the validity of the blow-off assumption (see, for instance, the discussion in Tian et al.,
2008), recently Lammer et al. (2013) showed that for super-Earths exposed to high levels of XUV
irradiation, the energy-limited approximation yields mass loss rates that are consistent with hydro-

dynamic models to within a factor of about two, which is within the uncertainties of the problem.

1.3.1.3 Jeans Escape or Hydrodynamic Escape?

Since the location of the habitable zone is governed primarily by the total (bolometric) flux incident
on a planet, the higher ratio of Lxyvy to Ly of M dwarfs implies a much larger XUV flux in the HZ
compared to solar-type stars. The present-day solar XUV luminosity is Lxuv/Lpol ~ 3.4 x 107°
(see Table 4 in Ribas et al., 2005), while for active M dwarfs this ratio is ~ 1072 (e.g., Scalo
et al. 2007). Therefore planets in the HZ of M dwarfs likely experience XUV fluxes several orders
of magnitude greater than the present Earth level (Fxyv, ~ 4.64 erg/s/cm?), especially at early

times. Recent papers (Lammer et al., 2007, 2013; Erkaev et al., 2013) show that terrestrial planets
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Figure 2: Evolution of the XUV flux received by planets close to the inner edge of the HZ (at 1
Gyr) for stars of mass 0.1, 0.2, and 0.3 Mg. Solid lines correspond to an XUV saturation time of
0.1 Gyr; dashed lines correspond to 1 Gyr. The flux at Earth is indicated by the black line. The
dot corresponds to the earliest time for which Ribas et al. (2005) has data for solar-type stars;
this is also roughly the time at which Earth formed. An XUV luminosity saturated at 1073 Ly
is roughly indicated by the dotted line. Finally, the dashed gray lines indicate the minimum XUV
fluxes required to sustain blowoff according to the study of Erkaev et al. (2013). Super-Earths
in the HZs of M dwarfs remain in the blowoff regime for at least a few 100 Myr; Earths undergo
blowoff for much longer. For an XUV saturation time of 1 Gyr, blowoff occurs for several Gyr for
all planets.

experiencing XUV fluxes corresponding to 10x and 100x Fxyv, are in the hydrodynamic flow
regime—it is therefore likely that this is the case for planets in the HZ of active M dwarfs.

In Figure 2 I plot the evolution of the XUV flux received by a planet located close to the
inner edge of the HZ (defined at 5 Gyr), for three different M dwarf masses and two different
XUV saturation times (see §1.1). The dashed lines correspond to the critical fluxes in Erkaev
et al. (2013) above which hydrodynamic escape occurs, for 1 and 10 Mg and two values of exuv.
Earth-mass planets remain in the hydrodynamic escape regime for at least 1 Gyr in all cases and

in excess of 10 Gyr for active M dwarfs. The duration of this regime is shorter for 10 Mg planets,
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but still on the order of several 100 Myr.

It is important to note that tidal effects can significantly increase the critical value of \; below
which hydrodynamic escape occurs (see discussion in Erkaev et al., 2007). Hydrodynamic escape
ensues when the thermal energy of the gas exceeds its potential energy, which occurs when

15> GMpKigemy
. B kTexOReXO

or

1.5
A <
7= Kiide

= )\crih (9)

provided we maintain the original definition of the Jeans parameter (4). Due to the strong tidal
forces acting on planets in the HZ of M dwarfs (see §1.4 below), this effect should greatly in-
crease the critical value of the escape parameter, effectively reducing the value of Fxyy for which

hydrodynamic escape occurs.

1.3.1.4 Energy-Limited or Radiation/Recombination-Limited?

Hydrodynamic escape from planetary atmospheres need not be energy-limited. In the limit of
high extreme ultraviolet (EUV) flux (low-energy XUV photons with 100A < A < 1000A), Murray-
Clay et al. (2009) showed that the escape is “radiation/recombination-limited,” scaling roughly as
M (fEUV)1/2. In this regime, the upper atmosphere thermostats to T ~ 10* K, photoionization
is balanced by radiative recombination (as opposed to PdV work), and a large fraction of the
gas energy budget is lost to Lyman « cooling. The mass loss rate is found by solving the mass

continuity equation, yielding
M = 47rr§pscs (10)

where 7 is the radius of the sonic point (where the wind velocity equals the local sound speed
¢s) and pg is the density at rs. Since the bulk of the flow is ionized, the density is fixed by

ionization-recombination balance, scaling roughly as (]-'EUVTS)l/ . For a 0.7M; hot Jupiter, the
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radiation/recombination limited mass loss rate is (Murray-Clay et al., 2009)

Fruv >1/2 (11)

Mgr ~ 4 x 102
i 8/ <5 x 10% erg/cm?/s

Owen and Jackson (2012) re-derive this expression with explicit scalings on several planet proper-

ties:

. o 1/2
Mpr ~ 24 x 10" g/s (1+2)* foamer (1040*51)

8 (O.laAU) (1(?}19)3/2 (1//13)1/2 <106Ek2:/5) : (12)

where the quantity (1 4 x) is the radius of the ionization front in units of R,, fparker is the Mach

number of the flow, ®, is the stellar EUV luminosity in photons per second, A is a geometrical
factor and cgyvy is the isothermal sound speed of the gas. Taking x = 0, fparker = 1, A = 1/3,
cguv = 10 km/s; and an average EUV photon energy hv = 20 eV, this becomes

Mgg ~ 7.11 x 107 g/s ey (R, 3/2. (13)
erg/cm? /s Rg

The transition from energy-limited to radiation/recombination-limited escape is found by equating
the two expressions, namely (5) and (13), and solving for the critical EUV flux. For terrestrial
planets, the transition occurs above Fguyv ~ 10% erg/cm? /s. Below this flux, the escape is energy-
limited; above it, the escape is radiation/recombination-limited and thus increases more slowly
with the flux. Planets in the HZ of M dwarfs are exposed to EUV fluxes up to an order of
magnitude larger than this critical value. During this period, which lasts on the order of a few
tens of Myr, the mass loss rate may be radiation/recombination-limited.

Nonetheless, whether the high-flux mass loss rate is more accurately described by (5) or (13)
will depend on whether the flux is dominated by X-ray or EUV radiation. Owen and Jackson
(2012) show that the mass loss rate for X-ray driven hydrodynamic winds scales linearly with the
X-ray flux; this is because the sonic point for X-ray flows tends to occur below the ionization front.
Even though recombination radiation still removes energy from the flow, it does so once the gas is
already supersonic and thus causally decoupled from the planet, such that it cannot bottleneck the

escape. Although the authors caution that the dependence of the mass loss rate on planet mass
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and radius must be determined numerically, this regime is analogous to the energy-limited regime
and can be roughly approximated by (5).

For X-ray luminosities Lx > 107%Lg, close-in planets undergo X-ray driven hydrodynamic
escape (see Figure 11 in Owen and Jackson, 2012). If X-rays contribute significantly to the XUV
emissions of young M dwarfs, their X-ray luminosities may exceed this value for as long as 1
Gyr, and close-in planets will undergo energy-limited escape. Unfortunately, given the lack of
observational constraints on the X-ray/EUV luminosities of young M dwarfs, it is unclear at this

point whether the hydrodynamic escape will be EUV-driven (radiation/recombination-limited) or

X-ray-driven (energy-limited) for planets in the HZ.

1.3.2 Escape of Water

Under the strong XUV irradiation of planets orbiting M dwarfs, water may also be lost via hy-
drodynamic escape. On Earth, the loss of surface water to space is inhibited by the presence of
the cold trap, a temperature minimum in the lower atmosphere that causes water to condense
and rain out before it ever reaches the stratosphere. In the absence of a cold trap, water reaching
the stratosphere becomes susceptible to photolysis by stellar ultraviolet radiation, producing free
hydrogen atoms, which as we saw above can readily escape to space.

However, as we discussed above, during a runaway greenhouse a planet’s atmosphere is predom-
inantly water vapor, even in the stratosphere. As a consequence, planets in runaway greenhouses
can quickly lose large quantities of water to space via the photolysis of water and subsequent es-
cape of hydrogen. As we will see in the next chapter, this is particularly problematic for terrestrial
planets orbiting M dwarfs, given their prolonged and active pre-main sequence phase, which causes
runaway greenhouses to last up to several hundred Myr.

Assuming neither photolysis nor diffusion are limiting factors, the mass escape rate from a water
vapor atmosphere is given by the energy-limited or radiation/recombination-limited expressions
presented in the previous section. However, the presence of photolytically-produced oxygen atoms
can modify the escape rate in two important ways: (1) if the escape is vigorous enough, oxygen
atoms can become entrained in the flow, a process that negatively feeds back on the particle escape
flux due to the high mass of oxygen; and (2) as oxygen accumulates in the upper atmosphere,

hydrogen may have to diffuse through a static background gas in order to escape, causing the flow
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to become capped at the diffusion limit of the gas. In the next few sections, we derive escape rates

accounting for the drag imposed by oxygen atoms on the escaping flow of hydrogen.

1.3.2.1 Hydrodynamic Drag

Strong hydrodynamic flows are capable of dragging heavier species along with them. In a water
vapor-dominated atmosphere, photolytically-produced oxygen atoms can thus escape to space in
the flow. Because oxygen atoms are much heavier than hydrogen atoms, the escape of the former
tends to moderate the flow when the escape is energy-limited. Hunten et al. (1987) studied mass
fractionation during hydrodynamic escape, demonstrating that an escaping species can efficiently
drag a heavier species along with it provided the mass of the latter is smaller than the crossover

mass me, equal to

(14)

in the case of a background flow of atomic hydrogen. Here, my is the mass of a hydrogen atom,
T is the temperature of the flow, Fy is the planet-averaged upward H particle flux, b is the binary
diffusion coefficient for the two species, g is the acceleration due to gravity, and Xy is the H molar
mixing ratio at the base of the flow. In the specific case of hydrodynamic drag on oxygen atoms,
the oxygen particle flux Fo is given by (Hunten et al., 1987; Chassefiere, 1996b; Lammer et al.,
2011b; Erkaev et al., 2014)

XO me — Mo
Fo="—"—Fg|———), 15
© Xu H(mc—mH) (15)

where X is the oxygen mixing ratio and mg is the mass of an oxygen atom. The expression above
is valid provided m. > mq; otherwise, Fo = 0. In the limit of large m., the ratio of the particle
escape rates is simply the ratio of the abundances at the base of the flow.

It is important to note that both Fy and m. are indirect functions of F; as oxygen begins to
escape, the hydrogen particle flux decreases (at fixed energy input), decreasing the crossover mass
and in turn reducing the rate of oxygen escape. In order to solve for the individual escape rates,

it is convenient to define a reference particle flux Fﬁef, equal to the energy-limited particle escape
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flux of H in the absence of oxygen (Chassefiere, 1996b):

oref _ exuvFxuv iy

== VP 16
T 4G M, Kaemu 16)
where we may write
Mgy,
Fet = =moF. Fy. 17
MuL'Y 47rR12) moro +muln (17)

By combining (15) and (17), we obtain as in Chassefiere (1996b) the true hydrogen particle flux

in terms of the reference flux:

Fret if me < mo
Fy = 1 (18)
' Xo mo me —mo .
Fref(14 2222 9 fm. >
H <+XHmHmc_mH 1 e = MO

Inserting this into (14) and doing a little algebra, we obtain an expression for the crossover mass

in terms of the reference flux (16):

3kTEef
my + ——H—if B < 10bgmy /kT
2bg
M= 43 KTt (19)
< GbgH if Fiet > 10bgmy/kT

In this derivation, I used mo = 16my as well as Xy = 2/3 and Xp = 1/3, assuming that all H
and O are photolytically produced and that the dissociation of Hy and O is fast enough that both
species are atomic close to the base of the flow (Chassefiere, 1996b).

The condition for oxygen escape is m. > mo; using (17), we can write this as Fxuy > Ferit,

where

M2/ R\ .
Fonie = 180 <M;> (R;> (E(;(gg) erg cm—2 71 (20)

where I have used b = 4.8 x 10'7(T/K)?™ cm~!s~! (Zahnle and Kasting, 1986), an average
thermospheric temperature T = 400 K (Hunten et al., 1987; Chassefiere, 1996b), and Kiqe = 1,
corresponding to no tidal enhancement. For reference, a 1 Mg, 1 Rg planet at the RV limit of a

0.1 Mg star (for which tidal effects are strongest), has Kiiqe & 0.88; setting Kiige = 1 leads to a
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maximum underestimate of the mass loss rate of about 10%.
Thus, for an Earth-size terrestrial planet with Fxyy > 180 erg cm™2 s™! (equivalent to
~ 39Fg), oxygen should begin to escape. The particle escape flux is determined by inserting (19)

into (15):
_n
Fo = §FH, (21)

where I define the oxygen escape parameter 7 as

0 ife<l1
n=9q .. _ (22)
r -1 ifx>1
x4+
with
k:TFlﬂfef
=% | 23
* 10bgmp (23)

The parameter 7 is simply the ratio of the oxygen particle flux to its production rate (compare
Equations 25 and 28 in the next section). It is thus limited to the range 0 < n < 1. For n — 1 (large
x, high Fxyv), the oxygen flux approaches one-half the hydrogen flux, resulting in no accumulation
of oxygen in the atmosphere. For n — 0 (x — 1, low Fxuy), oxygen escape tapers off and is zero
for x < 1. Note that the condition x > 1 is mathematically equivalent to both Fxuv > Ferit
and m. > mo in (19). In the next section, I derive simple expressions for the mass loss rates of
hydrogen (29) and oxygen (30), the rate of oxygen buildup (31), and the rate of ocean loss (32) in

terms of 1 and MEL.

1.3.2.2 Rate of Ocean Loss and Oxygen Buildup in the Energy-Limited Regime

The energy-limited escape rate Mgy, is equal to the sum of the upward mass escape rates of

hydrogen and oxygen:

Mgy, = mly + 1. (24)
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Assuming all of the hydrogen and oxygen comes from photolysis of water, the mass production

rate of oxygen is eight times that of hydrogen:
Tho = 8. (25)

Assuming further that all of the hydrogen escapes hydrodynamically, the total mass escape rate
of hydrogen is my = mg Since the oxygen either escapes or accumulates in the atmosphere, the
s atm atm

total mass escape rate of oxygen is o = mg + mE™, where thy™ is the rate of oxygen buildup

in the atmosphere. We thus have
Tl 4+ ™ = 8. (26)

Given that the particle and mass fluxes are related by

Fo 1}
2o _ Mo (27)
it follows from expression (21) that
g, = Sy, (28)
where 7 is given by (22). Combining expressions (24), (26) and (28), we have
1 1 '
myg = 1+ 877 MEL (29)
8
e = (1 +n877> Mgr, (30)
8 —8n
atm — M, 31
o (1 + 877) L (81)
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with Mg, given by (5). Finally, the rate at which the ocean is lost (either to H only escape or

H+O escape) is

Mocean = (mg{ + mg + maétm)

- (1 fSn) Ve, (32)

which approaches Mg, in the limit 7 — 1 (H+O escape) and 9Mgy, in the limit 7 — 0 (H only

escape).

1.3.2.3 Diffusion Through a Background Gas

The energy-limited mass loss rate (5) is an upper limit to the thermal escape rate from a planetary
atmosphere, as it assumes that all of the available XUV energy goes into driving the escape
(after accounting for an efficiency factor, exyv). However, the escape of hydrogen depends on
the availability of hydrogen atoms at the base of the flow. If not all of the oxygen escapes or is
absorbed by the surface, it can eventually become a major constituent of the atmosphere. Once
this happens, hydrogen will have to diffuse through a static background of oxygen before it reaches
the base of the hydrodynamic wind. The rate at which hydrogen can do so is given by the diffusion
limit (Hunten, 1973; Zahnle et al., 1990):

diff bg(mo — mu)

Fi™ = 300+ Xo/Xn)” (33)

5 In

which can be significantly lower than energy-limited escape flux (18), especially at early times.
particular, note that when Xo /Xy = 1/2, F$ff = 10bgmy /kT, which is precisely the value of the
reference flux at which oxygen begins to escape in (19). The diffusion limit is, in fact, defined as
the maximum upward flux of a gas for which the background gas is static (Hunten, 1973). If the
hydrogen particle flux is greater than this limit, oxygen must escape. The converse is also true; if
hydrogen diffusion through oxygen in the lower atmosphere limits the supply of H atoms at the

base of the flow, the escaping flux will be insufficient to drag away any oxygen.

Thus, for planets that build up significant amounts of oxygen in their atmospheres, the H

5In (33), T (conservatively) assumed diffusion through atomic oxygen. Diffusion through molecular oxygen is
faster, but if the oxygen is photolyzed below the base of the hydrodynamic wind, it is diffusion through atomic
oxygen that will bottleneck the escape.
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particle escape flux is given by the smaller of (18) and (33), the O particle escape flux is zero, and

the rate at which the ocean is lost is 9 times the H escape rate.

1.4 Tidal Evolution

Most of us are familiar with the concept of tides, particularly in Earth’s ocean: the differential force
of gravity due to the Moon (and the Sun) induces a tidal bulge in the ocean, which we experience as
a passing high tide as the Earth rotates. On Earth, tides are relatively small — on the order of tens
of centimeters — and are really only noticeable in the ocean. However, exoplanets orbiting close
to their stars can experience tidal forces orders of magnitude larger than we do on Earth, which
can cause deformation of the solid body (in the case of a terrestrial planet) or the envelope (in the
case of a gaseous planet). This deformation can dissipate large amounts of energy via frictional
heating, removing energy from either the rotation or the orbit (or both). The action of tidal forces
can therefore lead to heating of the planet and evolution of its orbit. Planets in the habitable zones
of M dwarfs, at periods of a couple to a few tens of days, are deep enough in the gravitational
potential well of their stars that tidal evolution can be quite significant, causing eccentricities to
change, orbits to shrink, and planet spins to synchronize with their orbital periods. In some cases,
tidal heating can be significant enough to trigger runaway greenhouses (Barnes et al., 2013).
Studying tidal evolution is therefore essential to understanding the habitability of planets or-
biting M dwarfs. Below, I discuss two common formalisms adopted to model the effect of tides: the
constant phase lag (CPL) and the constant time lag (CTL) models. Both make strong assumptions
about the nature of the tidal response of planets and rely heavily on approximations, but at low

eccentricity the models generally agree and match solar system observations.

1.4.1 Constant Phase Lag

Classical tidal theory predicts that torques arising from interactions between tidal deformations on
a planet and its host star lead to the secular evolution of the orbit and the spin of both bodies. The
“equilibrium tide” model, developed by Sir George Darwin (Charles Darwin’s son), approximates
the tidal potential as a superposition of Legendre polynomials representing waves propagating
along the surfaces of the bodies; these add up to give the familiar tidal “bulge” (Darwin, 1880).

Because of viscous forces in the bodies’ interiors, the tidal bulges do not instantaneously align with
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the line connecting the two bodies. Instead, the N** wave on the i*" body will lag or lead by an
angle ey ;, assumed to be constant in the constant phase lag (CPL) model. In general, different
waves may have different lag angles, and it is unclear how the ey ; vary as a function of frequency.
A common approach (see Ferraz-Mello et al., 2008) is to assume that the magnitudes of the lag
angles are equal (see Goldreich and Soter, 1966), while their signs may change depending on the

orbital and rotational frequencies involved. This allows us to introduce the tidal quality factor

Qi = ! ; (34)

€0,i

which in turn allows us to express the lags (in radians) as

S (35)
’ Qi
The parameter Q; is a measure of the dissipation within the i*" body; it is inversely proportional
to the amount of orbital and rotational energy lost to heat per cycle, in analogy with a damped-
driven harmonic oscillator. The merit of this approach is that the tidal response of a body can be
captured in a single parameter. Planets with high values of @), have smaller phase lags, dissipate
less energy and undergo slower orbital evolution; planets with low values of @), have larger phase
lags, higher dissipation rates, and therefore faster evolution. Measurements in the solar system
constrain the value of @, for terrestrial bodies in the range 10-500, while gas giants are consistent
with @, ~ 10* — 10° (Goldreich and Soter, 1966). Values of @, for the Sun and other main
sequence stars are poorly constrained but are likely to be > 10° — 10° (Schlaufman et al., 2010;
Penev et al., 2012). Intuitively, this makes sense, given that the dissipation due to internal friction
in rocky bodies should be much higher than that in bodies dominated by gaseous atmospheres.
One should bear in mind, however, that the exact dependence of Q; on the properties of a body’s
interior is likely to be extremely complicated. Given the dearth of data on the composition and
internal structure of exoplanets, it is at this point impossible to infer precise values of @, for these
planets.
By calculating the forces and torques due to the tides raised on both the planet and the star,
one can arrive at the secular expressions for the evolution of the planet’s orbital parameters, which

are given by a set of coupled nonlinear differential equations; these are reproduced in the next
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section.

1.4.1.1 Tidal Evolution Expressions

For zero inclination and zero obliquity, the tidal evolution equations for a, e, and w; in a two-body

system are (Heller et al., 2011; Barnes et al., 2013)

da a? 147 1
—=———— 3 Zj(4epi+ € | =200 + ——€1i + s€2i — 35, 36
dt ~ 4GM, M, ; y ( fite [ i Ty i TG, (36)
de ae , 49 1
% = 7m ; Zz <260,z’ — ?6171' + 56271‘ + 36572') (37)
]
dwi Z! 2
_— 460,1‘ +e [—2060,1‘ + 4961’1‘ =+ 62,1‘] s (38)
dt 8M;r2 ;Rin ( )

where the sums are taken over the two bodies. Here, G is the gravitational constant, R; is the

th

radius of the i** body (planet or star), and 74, are the radii of gyration. The parameter Z; is

defined

R? 1

4

’ 2 2
Z; = 3G ko, M (M; + Mj)??@i’

(39)

where ks ; is the Love number of degree 2 of the i*" body, which is of order unity and quantifies
the contribution of the tidal deformation to the total potential, n is the mean motion, and @Q; are
the tidal quality factors. The parameters ey, are the signs of the phase lags (assumed equal in

magnitude) of the N wave on the i*" body, calculated from

€0,i = sgn(2w; — 2n)
€1, = sgn(2w; — 3n)
€2, = sgn(2w; — n)
€5, = sgn(n)

€s.; = sgn(w; — 2n)

€9 = sgn(w;). (40)
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Since short-period planets around M dwarfs are likely to be tidally locked, one need not calculate
the planetary spin from (38). Instead, the planet’s rotation rate may be calculated from (Goldreich,

1966):

wSth = n(1+9.5¢%), (41)

where n is the mean motion.

1.4.1.2 The Typical Case

Because of the fast rotation of M dwarfs at early times, planets in the HZ are likely to be far
outside the corotation radius of their parent stars. It is useful at this point to consider as an
example the specific case of a tidally-locked planet for which n < w,. In this case, the stellar
phase lags (40) are all positive and ey = +1. For a tidally locked planet, €3, = €5, = €9, = 1,
and €, = €3, = —1. The parameter € ,, however, is less straightforward to calculate. If tidal
locking is to be maintained, the average angular acceleration over one period must be zero. Ferraz-
Mello et al. (2008) show that the only self-consistent way to ensure this is if €y o has a different

magnitude than the other lags, equal to

c0p = 12e%e9,, (42)

which in my notation corresponds to

€0p = +12€°. (43)

Note that if e = 0, €, = 0, consistent with w, = n in (40).

In the limit M, > M, and keeping only terms up to order e?, Equations (36) — (38) now reduce
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to

1 da G ko RIM, 51 ko p RS _
- — =13 D2xT TP (L 2202 ) 914 /GMB 2P 2 13/2 44
a dt l M, Q. ( + 4e> thMpe a (44)
5 5

1de — 57 | G ko BEM, 21 GM? ko p Ity a—13/2 (45)
cdt |8V M, Q. 2 Q,M,
dw, 3 GQM,?]{?Q R 15 , 9

=33 72 20 1T7% - 46
di 32 2,n2Q, \ 2°)|° (46)

There is no need to calculate dw,/dt, since I assume the planet’s spin is instantaneously set to the
equilibrium value. The first term in (44) and (45) is the orbital effect of the tide raised by the planet
on the star. In both equations this term is positive, implying that the stellar tide acts to increase
both a and e. This makes sense under the assumption that the planet is outside of corotation; the
stellar bulge therefore leads the planet in the orbit, torquing the planet such that it speeds up and
migrates outwards. For an eccentric orbit, the strongest impulse occurs at pericenter; since the
planet must return to that point in the orbit, the pericenter distance is preserved, but the faster
orbital speed results in a more distant apocenter, and thus higher eccentricity. A similar analysis
for the tide raised by the star on the planet (the second term in each of the above equations) yields
the result that such a tide acts to decrease both a and e.

The evolution of the orbit will therefore depend on the relative magnitudes of the stellar and
planetary tides. A simple order of magnitude calculation shows that the ratio of the rate of change
of the semi-major axis due to the tide generated by the star on the planet to that due to the tide

generated by the planet on the star is

() (%) (&) (79a) n

For a 10Mg, 2Rg mini-Neptune with @, = 10 orbiting a 0.1 Mg, 0.15 Rg star with @, = 10°,

Qx—p

dp%*

this becomes

d**)p

62
~3x10* | —— ), 48
<1+511162> (48)

Ap—sx

which is > 1 for all e > 0.01. For an Earth-like planet with @, = 102, the ratio is > 1 for all
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e 2 0.001. Therefore, for a planet with moderate, nonzero initial eccentricity, the planetary tide

should dominate the evolution, such that the planet’s orbit will shrink.

1.4.2 Constant Time Lag

Unlike the CPL model, which assumes the phase lag of the tidal bulge is constant, the constant
time lag (CTL) model assumes that it is the time interval between the bulge and the passage of
the perturbing body that is constant. Originally proposed by Alexander (1973) and updated by
Leconte et al. (2010), this model allows for a continuum of tidal wave frequencies and therefore
avoids unphysical discontinuities present in the CPL model. However, implicit in the CTL theory
is the assumption that the lag angles are directly proportional to the driving frequency (Greenberg,
2009), which is likely also an oversimplification. Note, however, that in the low eccentricity limit,
both the CPL and the CTL models arrive at qualitatively similar results. At higher eccentricities,
the CTL model is probably better suited, given that it is derived to eighth order in e (versus second
order in the CPL model).

The tidal quality factors @; do not enter the CTL calculations at any point; instead, the
dissipation is characterized by the time lags 7;. Although there is no general conversion between

Q; and 7, Leconte et al. (2010) show that provided annual tides dominate the evolution,

1
] —, 49
i nQ; (49)

where n is the mean motion (or the orbital frequency) of the secondary body (in this case, the
planet).

For a planet with ), = 10* in the center of the HZ of a late M dwarf, 7, & 10 s; rocky planets
with lower (), may have values on the order of hundreds of seconds. Since 7 & ™1, close-in planets
should have much lower time lags. For reference, Leconte et al. (2010) argue that hot Jupiters
should have 2 x 1073s <7, <2 x 107 2s.

The tidal evolution expressions are reproduced in the next section. For a more detailed review
of tidal theory, the reader is referred to Ferraz-Mello et al. (2008), Heller et al. (2011), and the

Appendices in Barnes et al. (2013).
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1.4.2.1 Tidal Evolution Expressions

The expressions for the evolutions of the orbital parameters are (Barnes et al., 2013)

da 2a? . fa(e) wi  fi(e)
a T G, ;Z (<12(e> o <15<e)) o0
de  1lae fa(e) wi 18 f3(e)
a—mzz <<w< >n‘nc13<e>) oy
dw; Z; fale)  fs(e) wi (52)
dt — M2 R \¢%(e) () n )’
where
, = 3Gk, M (M; + M; )RE (53)
and
(e)=v1-e¢
3l o, 255 4, 185 5 25 ¢
file) =14 T+ et + Toet + e
15, 45, 5 4
fale) =1+ e + e + e
o) =1+ D2y Doy Do

3 1
fale) =1+ e + =t

2

fs(e) =1+3e* + ge

8
4 (54)

As before, assuming the planet is tidally locked, its rotation rate is given by

CTL __
peq

€

1.4.2.2 The Typical Case

(stn@) (%)

As in the CPL model, the tides raised on the planet usually dominate the evolution. Plugging the

result of (55) into (50) and (51), we find that the second (negative) terms dominate and the orbit
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should therefore shrink and circularize. Proceeding as before,

() () e

d*A)p

; (56)

Ap—s %
where

w A ~ 1

* _ 5(€e)f1l€e

Fe) = 2ot o )
fie) n

,&g (57)
16 (<= — 1)

n

%

for small e. For the same mini-Neptune considered in the CPL case (48), this becomes

2

%5><105(w*61>, (58)

Gx—p

Ap—sx

which is > 1 for all e 2 0.001/w,/n — 1, implying that the CTL model also predicts a net inward

migration due to tides.
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2 “Mirage” Earths

Portions of this chapter were originally published in collaboration with R. Barnes in the journal
Astrobiology (Luger and Barnes, 2015, Astrobiology, © 2015 Mary Ann Liebert, Inc.), and are

reproduced below with the permission of Mary Ann Liebert, Inc.

2.1 Introduction

Planets around M dwarfs are subject to an array of processes that could negatively impact their
habitability. M dwarfs are extremely active (Reid and Hawley, 2005; Scalo et al., 2007), emitting
large fractions of their luminosity in the X-ray and extreme ultraviolet (XUV). XUV photons are
not only biologically harmful, but can drive fast atmospheric escape that leads to the erosion of
planetary atmospheres, as I discussed in the previous chapter (Watson et al., 1981; Lammer et al.,
2003; Yelle, 2004; Erkaev et al., 2007; Tian, 2009; Lammer et al., 2009; Owen and Jackson, 2012;
Lammer et al., 2013; Erkaev et al., 2013; Koskinen et al., 2013a,b). Moreover, the HZs of these
stars are significantly closer in, exposing planets to potentially catastrophic flaring events (Segura
et al., 2010) and strong, detrimental tidal effects (Barnes et al., 2013).

However, an issue that has not received as much attention in the literature is the fact that M
dwarfs can take up to 1 Gyr to settle onto the main sequence (see §1.1). During the contraction
phase following their formation, these stars can be one or even two orders of magnitude more
luminous than when they reach the MS. Since terrestrial planets probably form between 10 and
100 Myr after the formation of the star (Chambers, 2004; Raymond et al., 2007; Kleine et al., 2009;
Raymond et al., 2013), planets in the HZs of these stars are subject to extreme levels of insolation
early on, a fact first pointed out by Lissauer (2007). As a consequence, these planets are likely to
be in a runaway greenhouse provided they have sufficient surface water (see, e.g., Kasting, 1988;
Kopparapu et al., 2013).

Many papers have explored the effects of a runaway greenhouse on Venus, arguing that it may
have lost one or more Earth oceans of water as a consequence of an early runaway (Kasting et al.,
1984; Kasting, 1988; Chassefiere, 1996a,b; Kulikov et al., 2006; Gillmann et al., 2009). During a
runaway greenhouse, water vapor reaches the stratosphere, where it is easily photolyzed by UV

radiation. Heating of the upper atmosphere by XUV radiation can then drive a hydrodynamic wind
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that carries the hydrogen (and potentially some of the oxygen) to space, leading to the irreversible
loss of a planet’s surface water, oxidation of the surface, and possible accumulation of oxygen
in the atmosphere. Recently, Hamano et al. (2013) extended this idea to exoplanetary systems,
arguing for the existence of two fundamentally different types of terrestrial planets: type I planets,
which undergo short-lived runaway greenhouses during their formation, and type II planets, which
form interior to a critical distance and can remain in runaway greenhouses for as long as 100
Myr. The former type of planet, like Earth, retains most of its water inventory and may evolve to
become habitable. The latter, similarly to Venus, undergoes complete surface desiccation during
the runaway.

In this chapter I show that because of the early evolution of the star, many terrestrial planets
within the HZ of M dwarfs could be similar to type II planets and may therefore be uninhabitable.
My work builds on that of Barnes and Heller (2013), Heller and Barnes (2013), and (Barnes
et al., 2013), who studied water loss during early runaway greenhouses on planets orbiting white
dwarfs and brown dwarfs and on exomoons orbiting giant planets. I further build on the results
of Wordsworth and Pierrehumbert (2013b), who showed that significant water loss can occur for
planets near the inner edge of the HZ of M dwarfs; however, those authors considered a constant
stellar luminosity and thus did not account for the early runaway greenhouse state, which I show can
result in water loss rates that are orders of magnitude higher. In a follow-up paper, Wordsworth
and Pierrehumbert (2014) showed that water loss can lead to the buildup of abiotic Og in the
atmospheres of planets in the HZ. I extend this mechanism and demonstrate that hundreds to
thousands of bars of abiotic oxygen are possible for planets throughout the HZs of M dwarfs.
While a large fraction of this oxygen may be removed by surface processes, some exoplanets could
retain detectable amounts of Oy in their atmospheres for extended periods of time. This validates
the predictions of Schindler and Kasting (2000), concerning oxygen atmospheres on Venus-like
planets, and of Lammer et al. (2011b), Lammer et al. (2011a), Lammer (2013), and Fossati et al.
(2014), who argued that oxygen-rich atmospheres could develop on G dwarf planets in the HZ,
in particular on super-Earths. The present work could also strengthen the results of Wordsworth
and Pierrehumbert (2014), Tian et al. (2014), and Meadows et al. (2017) that oxygen is not a
reliable biosignature; in fact, planets with such elevated quantities of Oy may be uninhabitable.

Because of their potential lack of water and presence of atmospheric oxygen (which is potentially
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a biosignature), I refer to these planets as “mirage” Earths.

The chapter is organized as follows: in §2.2 I discuss some preliminary considerations about
the evolution of the water and atmospheric oxygen content of terrestrial planets. In §2.3 T describe
my model, followed by my results in §2.4 and §2.5. I discuss the stability of Og-rich atmospheres

and implications for habitability in §2.6.

2.2 Preliminary Considerations

2.2.1 Planet Formation & Initial Water Content

The terrestrial planets in the solar system are thought to have formed in situ between 10 and 100
Myr after the formation of the Sun (Chambers, 2004; Kleine et al., 2009; Raymond et al., 2013).
However, whether or not the bulk of Earth’s oceans formed during this accretion period is still up
to debate. A recent isotopic study by Hartogh et al. (2011) suggests that a large fraction of Earth’s
water may have been delivered by comets, possibly a result of scattering by the giant planets prior
to and during the Late Heavy Bombardment (Gomes et al., 2005). Nevertheless, simulations show
that during the final stages of Earth’s assembly, the planet’s feeding zone encompassed enough
water-rich material to supply 15— 70 terrestrial oceans (TO) of water in the first 70 Myr (Morbidelli
et al., 2000; Raymond et al., 2006; Chassefiere et al., 2012), and thus a wet in situ formation for
Earth-like planets is entirely plausible. In this chapter, I define 1 TO = 1.39 x 10** g (~ 270 bars)
of Hy0, the total amount of water in Earth’s oceans (Kasting, 1988; Kulikov et al., 2006).
Whether or not this applies to M dwarfs is unclear. Studies by Raymond et al. (2007) and
Lissauer (2007) suggest that planets forming in situ in the HZs of M dwarfs are likely to form
quickly (~ 10 Myr after the formation of the star), to be relatively small (< 0.3Mg) and to have
water contents smaller than Earth’s. If that is the case, a potential mechanism for forming a wet,
Earth-size planet in the HZ is early formation beyond the snow line (the region of the circumstellar
disk beyond which water and other volatiles are able to condense into ices and serve as building
blocks for planets) followed by disk-driven migration into the HZ (Carter-Bond et al., 2012).
Planets that form prior to the dissipation of the gaseous circumstellar disk experience strong
torques that can induce rapid inward migration, especially for planets in the terrestrial mass range
(Ward, 1997). In particular, planets that form beyond the snow line, where accretion is orders of

magnitude faster due to the higher density of solids, can potentially migrate into the HZ (Ida and
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Lin, 2008a,b; Ogihara and Ida, 2009; Cossou et al., 2013). Since disk lifetimes are typically quite
short, ranging from ~ 1 to ~ 10 Myr (Walter et al., 1988; Strom et al., 1989), planets migrating in
this fashion will settle into their new orbits relatively early. As Raymond and Cossou (2014) show,
the abundance of short-period planets with masses < 10 Mg is strong evidence for the ubiquity
of this mechanism, since it is highly unlikely that these systems formed in situ. Because of their
formation beyond the snow line, these planets will likely have large ice mass fractions and therefore
much larger initial water contents than Earth (see, e.g., Kuchner, 2003).

It is important to note that not all of a planet’s water may be at its surface (or in its atmo-
sphere), particularly at early times. During terrestrial planet formation, giant impacts can deliver
enough energy to partially or completely melt a planet’s mantle; as a consequence, many of the
terrestrial bodies in the solar system may have experienced a magma ocean phase (Matsui and
Abe, 1986; Zahnle et al., 1988; Elkins-Tanton and Seager, 2008; Elkins-Tanton, 2008, 2011, 2012;
Lammer, 2013; Lebrun et al., 2013; Hamano et al., 2013). Since water is highly soluble in magma,
a large fraction of the planet’s water content will initially be trapped in the mantle. As the planet
cools and the mantle begins to solidify from the bottom up, large amounts of water (between ~
60 and 99% of the total amount in the mantle) are exsolved to form a massive steam atmosphere,
which may eventually collapse to form an ocean (Elkins-Tanton, 2011). Typically, this process
occurs within a few Myr of the end of the accretion phase (Elkins-Tanton, 2008, 2011), but the
exact timescale for solidification depends on the stellar flux. Lebrun et al. (2013) find that while
Earth’s magma ocean lasted for ~ 1.5 Myr, it may have lasted as long as 10 Myr on Venus due
to the blanketing effect of a runaway greenhouse. Furthermore, Hamano et al. (2013) argue that
above a certain stellar flux (close to that received by Venus), a magma ocean may take as long
as 100 Myr to solidify. While these planets never develop massive steam atmospheres—since the
bulk of the water is always in the mantle—a few tens of bars of water vapor are always maintained
in the atmosphere due to a feedback cycle (Matsui and Abe, 1986; Zahnle et al., 1988). Large
quantities of water may thus still be lost via hydrodynamic escape from these planets, since escape
of water to space will be balanced by exsolution from the magma ocean. As Hamano et al. (2013)
point out, this could lead to the complete desiccation of a planet’s mantle, potentially terminating
tectonics and resulting in permanently dry surface conditions.

One might thus expect that because of the high-luminosity PMS phase of M dwarfs, planets in
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the HZs of these stars could remain in the magma ocean phase for several to several tens of Myr,
though this should be investigated further. While the magma ocean phase does not prevent water

loss to space, it could suppress the buildup of atmospheric Os. I revisit this point in §2.2.2.3.

2.2.2 Oxygen Atmospheres
2.2.2.1 Earth-like Planets

Because of its highly reactive nature, oxygen is not typically stable in terrestrial planet atmospheres
and tends to quickly react at the surface by stripping electrons from reducing substances in a process
known as ozidation. Oxygen on Earth is continuously produced by photosynthesis; in the absence
of a steady source, continental weathering, volcanic outgassing of reducing gases, and oxidation of
basalt via hydrothermal processes at oceanic ridges would quickly remove most of the atmospheric
O2 (Lécuyer and Ricard, 1999). Recently, Catling (2014) compiled a table of all major oxidation
processes on Earth, obtaining an estimated total Oy removal rate of 2.21 x 10*® mol/year, or ~ 150
bar/Gyr. Over two-thirds of this removal is due to weathering of surface rocks in a process that
continuously oxidizes the Earth’s crust.

However, the absorption of hundreds to thousands of bars of Oy could eventually lead to
the irreversible oxidation of the surface; processes such as plate tectonics, volcanic resurfacing,
or volcanic plumes are therefore necessary to subduct the oxidized species and/or supply fresh
reductants to the surface. Catling et al. (2001) show that the modern rate of (oxidized) Fe?*
subduction is equivalent to a removal rate of 5.0 x 10! — 1.9 x 10'2 mol O /year, or 3 — 12
bars/Gyr; volcanic outgassing contributes an extra ~ 15 bars/Gyr (Catling, 2014).

Thus, while a reducing surface can efficiently remove tens and possibly hundreds of bars of Oz on
Gyr timescales, the removal will eventually be bottlenecked by the rate of surface recycling. Given
that neither Mars nor Venus possess an active tectonic cycle, it is possible that many exoplanets

lack plate tectonics, which could significantly delay the removal of Oy from their atmospheres.

2.2.2.2 Water Worlds

The large weathering rates discussed above assume continental coverage similar to Earth’s. Pro-
vided they are not completely desiccated, planets that form with tens to hundreds of TO could

have significantly more surface water and less continental coverage than Earth after the runaway
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phase, potentially allowing for longer-lived O atmospheres.

But could the oceans act as an oxygen sink? Oxygen is soluble in seawater, saturating at about
8 ml/L (3.8 x 107* mol/L) at 0° C and 35%0 salinity (Levitus, 1982). According to Henry’s law,
the solubility is proportional to the partial pressure of the gas in equilibrium with the liquid; given
a partial pressure of 0.21 bar of Oy on Earth, this corresponds to roughly 0.015 bar of dissolved
O4 per bar of atmospheric Oy (for a planet with 1 TO of water). Scaling this to different ocean

masses Mocean, We have

mass of dissolved Oo

—0.015 x (momn) , (59)

mass of Oy in atmosphere 1 TO

implying that a terrestrial planet would need roughly 70 TO to absorb half of its atmospheric
oxygen into the oceans.

Oxidation of rocks at the seafloor could further deplete the atmospheric Os, but this would
require efficient mixing of the oxygen to great depths, which may be difficult for planets with deep
oceans. Moreover, tectonic activity or volcanic resurfacing may still be necessary to subduct the
oxidized rocks and sustain a long-term surface reductant flux. As a consequence, water worlds

may take longer to remove a given amount of Os from their atmospheres.

2.2.2.3 Planets With Molten Surfaces

I pointed out in §2.2.1 that because of the high luminosities of M dwarfs early on, planets in the
HZ could have magma oceans for extended periods of time following their formation. While this
process should not directly affect water loss to space—since several tens of bars of water vapor
remain in the atmosphere during the magma ocean phase (Matsui and Abe, 1986; Zahnle et al.,
1988; Hamano et al., 2013)—it may prevent the accumulation of atmospheric oxygen. Based on
measurements of oxygen diffusion in magma by Wendlandt (1991), Gillmann et al. (2009) argue
that photolytically produced oxygen on Venus could diffuse to a depth of ~ 1 km over 100 Myr—
certainly not enough to absorb all of Venus’ oxygen, as this would require an oxidation depth of
hundreds of km. However, a convecting magma ocean with a vertical mixing scale of order the
mantle thickness (~ 3000 km) could effectively remove all of the atmospheric oxygen (on the order
of several hundred bars) on Venus during its early runaway period.

However, the mantle solidification process on planets around M dwarfs is probably different
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from that on Venus, given the steady decrease in the stellar luminosity with time. While early
on these planets receive stellar fluxes several times that received by Earth, during the later stages
of the runaway the lower stellar flux could lead to the solidification of most of their mantles,
potentially allowing for the buildup of Os in the atmosphere.

Nevertheless, it is reasonable to expect that planets with Earth-like compositions may be able
to absorb a large fraction of the photolytically produced Os into a primitive magma ocean, at
least in the early stages of the runaway, provided (i) the surface composition is similar to Earth’s,
melting at or below ~ 1500 K; (ii) the surface/interior is initially reducing and capable of absorbing
large amounts of oxygen; (iii) the magma ocean is deep and convective, with a sufficiently short
turnover time. Strong tidal heating could also potentially extend the magma ocean phase and

drive rapid resurfacing, which could lead to efficient oxygen removal from the atmosphere.

2.2.2.4 The Case of Venus

Finally, I consider the specific case of Venus, which may have lost one or more TO of water during
its early runaway period (Kasting et al., 1984; Kasting, 1988; Chassefiere, 1996a,b; Kulikov et al.,
2006; Gillmann et al., 2009). This process should have led to the production of several hundred
bars of Og, a large fraction of which may have been deposited in the atmosphere (e.g., Gillmann
et al., 2009). Given the negligible oxygen content of the Venusian atmosphere today (Chassefiere,
1997), one or more effective oxygen sinks must have existed in the past.

While studies disagree on the process responsible for the removal of this oxygen, many plausible
mechanisms exist. Chassefiere (1997) showed that a strong primitive solar wind could have heated
the upper layers of the Venusian atmosphere, enhancing the thermal escape of hydrogen and
facilitating the hydrodynamic drag on the oxygen, potentially carrying all of it to space. Kulikov
et al. (2006), on the other hand, argue that nonthermal interactions between O ions and the solar
wind could have removed 1 TO of oxygen (~ 240 bars) over 4.6 Gyr. Surface processes may have
also contributed, but Rosenqvist and Chassefiere (1995) show that tectonic activity ~ 15 times
more vigorous than on Earth would be required to subduct all the atmospheric oxygen. Gillmann
et al. (2009) argue that vigorous outgassing of reduced gases could remove the equivalent of 1 TO
of Og in 4 Gyr. Finally, a magma ocean could have removed most or all of the Oy (Hamano et al.,

2013), though rigorous quantitative studies of this process are lacking.
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The removal of a few hundred bars of Oy during/after the runaway greenhouse period is entirely
plausible, but highly dependent on properties of the star-planet system. In a review of the evolution
of Venus, Chassefiere et al. (2012) argue that for different initial conditions, Venus could have had

an Og-rich atmosphere for ~ 1 Gyr, and that such planets may exist around other stars.

2.3 Model Description

For varying planet masses, initial water content, formation times, and HZ limits, I evolve plan-
et/star systems forward in time for 5 Gyr on a grid of stellar mass and semi-major axis, keeping
track of the duration of the runaway greenhouse phase, the amount of water lost and the total
O buildup. As I outline below, I run separate cases assuming either energy-limited escape or
diffusion-limited escape. For simplicity, I do not consider the case of radiation/recombination-
limited escape; the water loss values reported here should therefore be considered upper limits.
Integrations are performed using an adaptive time-stepping scheme similar to that in Barnes et al.
(2013).

I consider planets with masses 1 and 5 Mg, with radii calculated from Fortney et al. (2007)
for an Earth-like planet composition (2/3 silicate rock, 1/3 iron). I assume these planets have no
significant H/He envelopes and that background atmospheric gases are negligible. The latter is
justified by the fact that during a runaway greenhouse on a planet with 1 TO, the atmosphere
contains about 270 bars of water vapor (Kasting, 1988); a background atmosphere similar to that
on the present Earth is negligible. I further assume zero eccentricity and no tidal evolution for the
planets in my runs. I discuss how these assumptions could change my results in §2.6.

I assume a formation time of 10 Myr for all planets. As I discuss in §2.2.1, this is probably an
upper limit to the migration timescale for planets that form beyond the snow line. As for planets
that form in situ in the HZ, 10 Myr is roughly equal to the formation time around a ~ 0.3Mg
star in the simulations of Raymond et al. (2007), but is significantly longer than that predicted by
the scaling arguments in Lissauer (2007). My adopted value is therefore likely to overestimate the
formation time for planets around low mass M dwarfs. Around the highest mass M dwarfs and K
dwarfs (2 0.5Mg), I am likely underestimating the formation time. In both formation scenarios,
I vary the initial surface water content between 1 and 100 TO, noting that planets that migrate

from beyond the snow line are more likely to have 2 10 TO.
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Figure 3: Flowchart representing a single integration of my code. The three halting conditions
are represented by dashed boxes. See §2.3 for a detailed description of my model.



At each timestep, I calculate the HZ limits for 1Mg and 5Mg planets from Kopparapu et al.
(2014), using Lyo and Teg from the cooling tracks of Baraffe et al. (1998) for solar metallicity.
I calculate water loss and Oy buildup as long as planets are in a runaway greenhouse. Given
the variety of mechanisms capable of removing atmospheric O and their complex dependence on
an array of planetary properties (§2.2.2), I do not model the details of oxygen absorption by the
surface. Instead, I consider two limiting cases regarding the oxygen: (a) efficient absorption by
the surface, corresponding to an effectively instantaneous removal of O5 by surface processes; and
(b) inefficient absorption, corresponding to a rate of oxygen buildup much larger than the rate at
which it is removed.

In case (a), which could be the case of a planet with a deep magma ocean, I assume the
atmosphere is predominantly HoO and that diffusion through an oxygen-rich layer does not take
place; I therefore use the energy-limited escape equations (29)-(32) to calculate H and O loss rates
and Og buildup rates. In case (b), corresponding to (say) a planet with a highly oxidized surface
and/or one that lacks plate tectonics, I assume that all of the Og remains in the atmosphere. This
should quickly result in a depletion of H and H>O relative to oxygen in the upper layers of the
atmosphere, such that hydrogen escape will be limited by diffusion. I therefore set the hydrogen
escape flux to the minimum of the energy-limited escape flux (Equation 18) and the diffusion-limit
escape flux (Equation 33). In Equation (18), the ratio Xo /Xy is calculated from the ratio of HyO
to O2 in the atmosphere, assuming the two species are well-mixed below the diffusion layer. In
this regime, the oxygen escape flux is assumed to be zero.

I report the amount of oxygen retained by the planet (either in the atmosphere or absorbed by
the surface) as an equivalent pressure in bars, which I define to be the surface pressure of the oxygen
if it were the only gas in the atmosphere. Thus, an equivalent pressure of 1 bar corresponds to an
amount of oxygen equal in mass to the atmosphere of the current Earth, or about five times the
current mass of oxygen in the atmosphere.® For a given planet, the partial pressure corresponding
to this amount will depend on the mixing ratios and the mean molecular weights of other species
in the atmosphere. Therefore, to preserve generality, below I present the equivalent O, pressure
in all of my figures.

In order to capture the uncertainty in the critical stellar flux above which planets go runaway, I

6Since the molecular weights of No and Oy are similar, the equivalent pressure of Oz on the present-day Earth
is very close to its partial pressure.
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also run two separate sets of models: one in which the runaway occurs interior to the RG limit (the
default case), and one interior to the RV limit. Since terrestrial planets with surface oceans are
likely to enter the runaway phase somewhere in between these limits, the two runs should roughly
bracket the actual evolution.

For simplicity, I use a saturation time of 0.1 Gyr for K dwarfs (M, > 0.6Mg) and 1 Gyr for M

LbeU:/ = 1072 and a power law slope 3 = —1.23 in

dwarfs. I adopt an XUV saturation fraction of
Equation (1). I assume an XUV absorption efficiency in the range 0.15 < exyy < 0.30, typical of
hydrogen-rich atmospheres (Chassefiere, 1996a; Wordsworth and Pierrehumbert, 2013b). In order
to obtain an upper limit to the amount of water lost from these planets, I take exyy = 0.30, unless
otherwise noted. As in Wordsworth and Pierrehumbert (2014), I further assume that water loss is
limited by the escape of H to space rather than by the HoO photolysis rate.

I do not model the escape of hydrogen after the planet enters the HZ. Even after a planet leaves
the runaway greenhouse, diffusion of water vapor into the stratosphere and H escape can still be
significant; for instance, Wordsworth and Pierrehumbert (2014) show that about 28% of a TO can
be lost from an Ny-poor Earth in the HZ over 4 Gyr.

A flowchart illustrating a sample integration of my code is presented in Figure 3. The integration
continues as long as all three halting conditions (represented by the dashed boxes) evaluate to
false. The code halts if (1) the age of the system reaches 5 Gyr; (2) the planet enters the HZ
(corresponding to the end of the runaway greenhouse phase); or (3) the planet is completely
desiccated. Otherwise, the code calculates H and O loss rates and Oy buildup rates as outlined

above. The code then updates stellar and planetary parameters and loops.

2.4 Results: Evolution of the Habitable Zone

2.4.1 Location of the Habitable Zone

In Figure 5 I show the evolution of the HZ as a function of time for M, K, and G dwarfs. In the left
panel, I plot the position of the RV limit as a function of stellar age for stars ranging in mass from
0.08 Mg to 1 Mg. For solar-type G stars, the HZ evolves inwards primarily in the first 10 Myr,
prior to the formation of terrestrial planets. For K dwarfs (0.6Mg < M, < 0.9Mg), only planets
that form in the first ~ 10 Myr experience a significant change in the location of the HZ. The

HZ of M dwarfs, on the other hand, moves in significantly, even after the formation of terrestrial
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Figure 4: Duration of the runaway greenhouse for planets that formed at 10 Myr with abundant
surface water. The solid black lines correspond to the RV (left) and EM (right) limits (the empirical
HZ); the dashed lines correspond to the RG (left) and the MG (right) limits (the theoretical HZ).
All limits are those at a stellar age of 5 Gyr. Red corresponds to planets that never leave the
runaway state, since these are always interior to the HZ. Blue corresponds to planets that spend
less than 1 Myr in a runaway greenhouse. Planets throughout the HZs of all M dwarfs spend a
substantial amount of time in a runaway greenhouse.

planets. Around the lowest mass M dwarfs, the inner edge of the HZ moves in by nearly an order
of magnitude after 10 Myr.

In the right panel, I plot the RV limit at different stellar ages on a classical HZ plot; the extent
of the HZ at 1 Gyr is indicated by the blue shading. Note that even planets located at the outer
edge of the HZ at t > 1 Gyr were interior to the HZ early on, especially for low mass M dwarfs.
The change in the location of the HZ of solar-type stars is comparatively small. For stars more
massive than about 0.8 Mg, the HZ moves inward during the PMS phase and then outward due
to the steady increase of Ly of these stars once they are on the MS. The HZ of M dwarfs, on
the other hand, moves monotonically inward for up to 1 Gyr. After this point, the HZ boundaries

remain relatively stationary for up to tens of Gyr due to these stars’ slow MS evolution.

2.4.2 Duration of the Runaway Phase

Figure 4 shows the duration of the runaway phase for planets that form at 10 Myr, assuming the
runaway occurs interior to the RG limit. The vertical axis (stellar mass) ranges from late M dwarfs

(0.08 M) to early K dwarfs (0.9 Mg). The horizontal axis (semi-major axis) spans the HZ, which
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Figure 5: Evolution of the position of the inner edge of the empirical HZ (RV limit) as a function of time. Left: Location of the RV limit
versus stellar age for stars between 0.08 Mg and 1 M. The vertical dashed line corresponds to the 10 Myr formation time assumed in my
model. Right: Contours of the RV limit on a classical HZ plot between 3 Myr (black line) and 1 Gyr (orange line). The empirical HZ at 1
Gyr is shaded in blue for reference. Note that the inner edge moves in by about an order of magnitude for the lowest mass M dwarfs.



is bounded on the left and right by the RV and EM limits (solid lines); from left to right, the RG
and MG limits are indicated by the dashed lines. The limits are those at a stellar age of 5 Gyr.

Unsurprisingly, interior to the RG limit, planets spend the entire age of the system (5 Gyr) in a
runaway state. Note that once a planet’s water is depleted, it is technically no longer in a runaway
greenhouse, since the atmospheric infrared windows will open up and the surface will cool. For
the purposes of this figure, I therefore assume an unlimited surface water inventory.

Far to the right of the HZ, planets are never in an insolation-induced runaway greenhouse.
However, throughout most of the HZ of M dwarfs, planets spend tens to hundreds of Myr in
an early runaway greenhouse phase. Planets in the HZs of K dwarfs may experience a runaway
greenhouse for a few tens of Myr, but only if they form early. Above about 0.8 Mg, the duration is
negligible, except in the vicinity of the RG boundary; this is the case for planets around solar-type
stars.

Because of this early runaway phase, many planets orbiting in the HZs of M dwarfs could
potentially remain permanently uninhabitable. In the next section, I investigate the effect that

the runaway greenhouse has on water loss and oxygen buildup on these planets.

2.5 Results: Water Loss and O, Buildup

2.5.1 Validation Against Venus

Before I present my results for M dwarf planets, I briefly examine water loss and Os buildup on
Venus. Assuming an XUV saturation fraction Lbe% = 1073, a saturation timescale of 0.1 Gyr,
a formation time of 50 Myr, an initial water content of 1 TO (Raymond et al., 2006), and a
runaway greenhouse interior to the RG limit, I find that Venus is completely desiccated in both
the energy-limited and diffusion-limited escape regimes, accumulating an equivalent Qs pressure
between ~ 120 bars (energy-limited) and ~ 240 bars (diffusion-limited). For a much larger initial
water content of 10 TO, it is still completely desiccated in both regimes and builds up between
~ 1800 and ~ 2400 bars of Os. If, on the other hand, I assume the more optimistic HZ boundary,
such that a runaway greenhouse occurs only once Venus is interior to the RV limit, Venus loses a
maximum of 0.5 TO and builds up a maximum of 120 bars of O3 in both regimes.

These figures are broadly consistent with previous estimates (Kasting et al., 1984; Kasting, 1988;

Chassefiere, 1996a,b; Kulikov et al., 2006; Gillmann et al., 2009), though the large uncertainty
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Figure 6: Total amount of water lost and amount of oxygen absorbed at the surface for a 1Mg planet formed at 10 Myr with 1 TO of
surface water, assuming the planet is in a runaway interior to the RG limit, the oxygen is instantaneously absorbed by the surface, and the
escape is energy-limited. The solid lines are the empirical HZ bounds; the dashed lines are the theoretical HZ bounds. See Figure 7 for
more details.
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Figure 7: Same as Figure 6 (1 TO, energy-limited), but in an expanded view of the HZ. The axes correspond to the stellar mass (vertical)
and the position of the planet within the HZ at 5 Gyr (horizontal). The “position in habitable zone” is the fractional distance between the
RV limit and the EM limit (the empirical HZ). The dashed lines once again represent the RG and MG limits. (a) Total water lost in TO
after 5 Gyr. Dark blue corresponds to less than 0.1 TO; dark red corresponds to complete desiccation. Most planets in the HZ of M dwarfs
are completely desiccated; conversely, those close to the outer edge of high mass M dwarfs and throughout most of the HZ of K dwarfs
lose little or no water. Interior to the RG limit, planets around stars of all masses are completely desiccated. (b) Total amount of oxygen
absorbed by the surface in bars. Dark blue corresponds to insignificant O buildup; dark red corresponds to 200 bars of oxygen. Planets
that lose significant amounts of water also undergo extreme surface oxidation.
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Figure 8: Same as Figure 7 (energy-limited escape), but for an initial water content of 10 TO. Note the change in the colorbar scales.
Planets throughout most of the HZ of M dwarfs now lose at least 1 TO of water; those close to the RG limit and around low mass M dwarfs
lose close to 10 TO. Most planets now retain several hundred to ~ 1000 bars of Os.



regarding the initial water content precludes an accurate determination of the amount of Os
retained by the planet. Lammer et al. (2011b) argue that most of the O2 that does not escape
hydrodynamically could be removed by oxygen blow-off, but the exospheric temperatures may not
be high enough for this to occur (see, e.g., Tian, 2009, and §2.6.4). In any event, the negligible O
content of the Venusian atmosphere today implies that the Oy must have been removed either by
surface sinks or other escape mechanisms. Given terrestrial rates of Oy removal of a few hundred
bars per Gyr (§2.2.2), my values are consistent with a maximum of a few TO of water on early

Venus and therefore agree with the studies mentioned above.

2.5.2 Fast Oxygen Removal: Energy-Limited Escape

I first consider the limiting case where the rate of oxygen absorption by surface sinks is much larger
than the rate at which it is photolytically produced. This could happen in the case of planets with
vigorous resurfacing processes or convecting magma oceans (see §2.2.2.3 and §2.3 for a discussion).
The oxygen content of the atmospheres of these planets is always low, the upper atmosphere is
rich in water vapor, and hydrogen and oxygen escape at the energy-limited rate (§1.3.2.1).

In Figure 6 I plot the results for a 1Mg planet with 1 TO of initial surface water, formed at 10
Myr, assuming a runaway greenhouse occurs interior to the RG limit. The axes are the same as in
Figure 4, but the colors now indicate the total amount of water lost (left panel) and the equivalent
pressure of Og absorbed by the surface in bars (right panel). While Figure 6 shows my results on
a traditional HZ plot, I re-scale the z-axis to be the relative position in the (empirical) 5 Gyr HZ
in Figure 7. This corresponds to zooming in on the HZ at each stellar mass in Figure 6 (note that
the data plotted here are exactly the same). For reference, the dashed vertical lines once again
indicate the locations of the RG (left) and MG (right) limits.

Planets throughout most of the HZ of M dwarfs are completely desiccated (left panel). Above
~ 0.2Mg), planets close to the outer edge of the HZ retain some of their water due to the shorter

runaway phase; however, even planets in the center of the HZ of high mass M dwarfs (M, = 0.4Mp)

are completely desiccated. Planets around K dwarfs (M, 2 0.6Mg), on the other hand, lose
significant amounts of water only close to the RG limit. Note, importantly, that planets that form

in situ in the HZs of K dwarfs likely take longer than 10 Myr to form (Raymond et al., 2007);

therefore, above ~ 0.6Mg, this figure applies only to planets that form quickly beyond the snow
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line and migrate into the HZ. Finally, although the figures encompass only M and K dwarfs, I note
that planets in the theoretical HZ of solar-mass stars are never in an insolation-induced runaway
greenhouse and therefore lose no water via this mechanism.

Planets that lose significant water also retain on the order of 100 bars of Oy (right panel), which
by assumption is quickly absorbed by the surface. Such a high oxidative power could have strong
implications for planetary evolution and habitability, which I discuss in §2.6. Perhaps surprisingly,
the maximum oxygen pressure actually occurs in the center of the HZ of mid- to high mass M
dwarfs and close to the outer edge for low mass M dwarfs. This is because close to the inner edge
of the HZ, the ocean is lost quickly and the planet is desiccated early on, when the XUV flux is
high and oxygen escape is efficient. Close to the outer edge, the RG phase is shorter, resulting in
weaker ocean loss and similarly low Oy amounts. Therefore, for each stellar mass, there exists a
certain distance at which the Oy pressure peaks. I discuss this trend further in §2.5.5.

Next, in Figure 8 I repeat the previous calculations for an initial water content of 10 TO.
Complete desiccation now occurs only around low mass M dwarfs, particularly close to the RG
limit. However, most M dwarf planets lose > 1 TO throughout the HZ and = 5 TO close to the
RG limit. Moreover, the equivalent pressure of oxygen absorbed by the surface is now on the order
of several hundred to ~ 1000 bars, peaking in the outer HZ of the lowest mass M dwarfs and close
to the RG limit of 0.3Mg M dwarfs.

Finally, I note that there is an interesting feature near the RG limit of K dwarfs in these figures.
Consider Figure 7, for instance: above 0.6Mg, both the total water loss and the Oy amount change
discontinuously as the stellar mass increases, leading to a jagged pattern near the RG limit and
high Og buildup. This behavior is rooted in the non-monotonic luminosity evolution of K dwarfs
prior to ~ 100 Myr. In Figure 9 I plot the evolution of the bolometric flux received by a planet
near the inner edge of the HZ (defined at 5 Gyr), in units of the critical runaway greenhouse flux;
values above 1 (red shading) correspond to a runaway greenhouse state. The thick curves indicate
the flux evolution for different stellar masses (blue: a late M dwarf; green: an early M dwarf; red:
a K dwarf; cyan: a solar-type G dwarf). Note that while M dwarfs dim monotonically during their
PMS contraction phase, stars of type K and earlier display a bump in their luminosity prior to 100
Myr. This is due to the fact that stars more massive than about 0.6 M switch from convective

to radiative energy transport towards the end of their contraction phase, during which time their
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Figure 9: Evolution of the flux received by planets that are at the inner edge of the theoretical
HZ at 5 Gyr for different stellar masses (blue: 0.1Mg, green: 0.5Mg, red: 0.7Mg, cyan: 1.0Mg).
The vertical axis is the bolometric flux normalized to the runaway greenhouse flux; the region
shaded in pink corresponds to planets that are interior to the RG limit. The dashed vertical line
corresponds to the 10 Myr formation time I assume in my model. The horizontal lines at the
bottom of the plot indicate the times during which planets are in a runaway greenhouse. See text
for a discussion.

effective temperatures rise, leading to a temporary increase in L just before reaching the MS (see,
e.g., Reid and Hawley, 2005). M dwarfs, which remain mostly convective even once they reach the
MS, do not display such a bump.

For a star like the Sun (cyan curve), the bump in the luminosity does not significantly affect
planets in the HZ, since the flux on a planet near the inner edge does not exceed the critical flux
during that time. For K dwarfs, however, this is not true; the flux on a planet at the inner edge
of the HZ around a 0.7 Mg, star exceeds the critical flux for ~ 30 Myr, leading to two distinct
runaway greenhouse episodes prior to 5 Gyr.

For reference, the thin lines at the bottom of the plot indicate when planets are in the runaway
regime. While M dwarf planets experience the longest runaway greenhouse episodes, planets that

form prior to about 20 Myr in the inner HZ of K dwarfs undergo two runaways, the second of
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which occurs late enough that the XUV flux has largely tapered off, leading to efficient oxygen

buildup.

2.5.3 Inefficient Oxygen Sinks: Diffusion-Limited Escape

In the previous section I assumed that the rate of oxygen removal at the surface was much higher
than the rate at which oxygen was produced. I now repeat all calculations in the opposite limit,
assuming the production rate is much higher than the absorption rate. As discussed in §2.2.2, this
could be the case for water worlds or for planets with a pre-oxidized surface/interior, inefficient
outgassing of reducing compounds, inefficient resurfacing processes, etc. In these runs, the oxygen
remains in the atmosphere and hydrogen must diffuse through it in order to escape. I therefore
calculate loss rates in the diffusion limit as described in §1.3.2.3.

My results are plotted in Figures 10 and 11 for initial surface water contents of 1 and 10
TO, respectively. Water loss amounts are generally slightly lower (compare to Figures 7 and 8),
since the diffusion limit is slower than the energy-limited escape rate at early times. Nevertheless,
planets throughout a large portion of the HZ of M dwarfs are still desiccated in the 1 TO case.
Planets with larger water inventories lose > 1 TO around low mass M dwarfs and close to the
inner edge of high mass M dwarfs.

In the panels on the right, it is clear that oxygen buildup is larger than in the energy-limited
case; recall that these panels now represent the equivalent pressure of oxygen in the atmosphere at
the end of the runaway phase. Despite the subdued water loss, the fact that no oxygen escapes leads
to the buildup of ~ 240 bars of Oy (the equivalent pressure of Oz in 1 TO of water) throughout a
large portion of the HZ in Figure 10. In Figure 11, planets build up between ~ 100 and ~ 1000
bars of O in their atmospheres throughout most of the HZ of M dwarfs. Note also that, unlike in
the previous figures, the oxygen amount is a monotonic function of the position in the HZ; because

no oxygen escapes, planets closer to the inner edge build up more Os.

2.5.4 Higher Planet Mass

In Figure 12 I show the results for a 5 Mg super-Earth with an initial water inventory of 10 TO
and efficient oxygen sinks. Compared to a 1 Mg planet (Figure 8), both water loss and oxygen

amounts are significantly higher. Thousands of bars of O are now retained throughout most of
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Figure 10: Similar to Figure 7 (1 TO), but assuming that the escape of hydrogen is diffusion-limited. This corresponds to planets with
slow /ineffective oxygen sinks that retain all of the photolytically-produced Oy in their atmospheres. While water loss amounts are generally
lower than in the energy-limited case, planets throughout a large fraction of the HZ of M dwarfs are still desiccated. Moreover, the amount
of oxygen that builds up is substantially greater than in Figure 7, since the oxygen cannot escape if the loss of hydrogen is diffusion-limited.
Thus, planets that lose 1 TO of water build up % x 270 = 240 bars of Os in their atmospheres.
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Figure 11: Same as the previous figure (diffusion-limited escape), but for an initial water content of 10 TO; compare to Figure 8, the

corresponding energy-limited case. Once again, water loss amounts are smaller, but oxygen amounts greater than 2000 bars are now possible
around the lowest mass M dwarfs.
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Figure 12: Similar to the previous figures, but for a super-Earth of mass 5Mg, with 10 TO, assuming energy-limited escape. Note the large
fraction of the HZ in the lower left portion of the left panel where planets are completely desiccated. Elsewhere, super-Earths lose several
TO of water. In the right panel, thousands of bars of Oy are absorbed at the surface of planets throughout most of the HZ of M dwarfs.
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Figure 13: Similar to Figure 12 (a 5 Mg super-Earth with 10 TO of surface water), but assuming diffusion-limited escape. Despite a
slight decrease in the total water loss amounts, the results are very similar to those in the energy-limited case. In general, these planets lose
several TO of water and build up several hundred to a few thousand bars of Os in their atmospheres.



the HZ. Close to the inner edge of the lowest mass M dwarfs, planets with larger initial water
inventories can lose several tens of TO.

This perhaps counter-intuitive result stems from the fact that the crossover mass (Equation
19) scales inversely with the surface gravity; on super-Earths, the escape of oxygen is greatly
suppressed, leading to faster buildup at the surface. Moreover, when the oxygen does not escape,
the loss of the ocean happens more quickly, since the escape of hydrogen is nine times more
efficient at depleting the water content of the planet (at fixed Fxyv). Recall that in the limit
n — 0, Equation (32) gives Mocean = 9 Mgy

In Figure 13, I perform the same calculation, but for diffusion-limited escape, assuming the Oq
remains in the atmosphere. Once again, both the amount of water lost and the oxygen pressure
are substantially higher than in the 1 Mg case. This is a straightforward consequence of Equation
(33); the diffusion limit flux scales inversely with the scale height of the background atmosphere,
which is smaller on the super-Earth by a factor of ~ 2.2 due to the higher surface gravity.

Perhaps even more interestingly, Figures 12 and 13 are very similar; the desiccation process
of super-Earths is relatively insensitive to the escape regime and to whether or not the oxygen
remains in the atmosphere or is absorbed by the surface. This similarity is due to the fact that
the energy-limited escape rate and the diffusion-limited escape rate are comparable for the range
of XUV fluxes received by these planets. This applies even at early times, when the XUV flux is
very high; the escape of even a small amount of oxygen in the energy-limited regime tends to slow
down the rate of ocean loss, given that a large fraction of the XUV energy goes into driving the
escape of the heavier species.

It is important to note that since I have been plotting the Os equivalent pressure rather than
the actual amount, care must be taken when comparing it between planets of different masses.
Under the plane-parallel approximation, the atmospheric pressure scales as M,/ Rf;. Given that a
5Mg planet with an Earth-like composition has R, = 1.52Rg (Fortney et al., 2007), the pressure
exerted by a fixed amount of Oy will actually be smaller (by about 6%) on the higher mass planet.
Nevertheless, these figures show that the Oy pressures are a factor of 2 — 3 times larger on a
super-Earth than on an Earth-mass planet, implying substantially more Os buildup.

For reference, in Figure 14 I overplot a handful of known planets on the oxygen pressure

contours of Figure 13 (b): GJ 581g” (Vogt et al., 2010), Kepler 61b (Ballard et al., 2013), Kepler

"The existence of GJ 581g has recently been contested; see Robertson et al. (2014).

61



0.9

0.8}
0.7k Kepler 62e.

Kepler 62f
[}

[}
0.6} Kepler 61b . KOI-2418.01 0 bars
[ ]

KOI-0854.01

0] 1 N Oe
0.5/ k01-2626.01, KOI-1686.01

/

° 1 °
0.4} Gj180b 1 GJ 180c p
1 1
— , Gl 667Cc GJ 667Ce
® [ ]
0.3} g
= 6 581
N—r

M

Kepler 42d
A

0.1

—

RV 25% 56% 75% EM
Position in Habitable Zone

Figure 14: A selection of M and K dwarf super-Earths that could have detectable O atmospheres
if they formed with abundant surface water; as before, the dashed lines represent the RG and MG
limits. Calculations were performed assuming a mass of 5 Mg, an initial water content of 10 TO,
and diffusion-limited escape. Contours correspond to the equivalent Oy atmospheric pressure in
bars at the end of the runaway phase, assuming all of the Os remains in the atmosphere. Of the
planets shown here, only Kepler 62f does not build up any oxygen.

62e & f (Borucki et al., 2013), GJ 180c (Tuomi et al., 2014), the GJ 667 system (Anglada-Escudé
et al., 2013), and four Kepler candidate planets (Dressing and Charbonneau, 2013); Kepler 42d
(Muirhead et al., 2012), which is interior to the HZ, is indicated by an arrow. As in Figure 13,
I assume that the planet mass is 5 Mg, the oxygen remains in the atmosphere, and the escape
is diffusion-limited. Provided they formed with abundant water, many of the currently known
super-Earths could have built up hundreds to thousands of bars of Os. In particular, this could
be the case for GJ 667Cc, which could have lost as many as 10 TO early on, accumulating close
to 2000 bars of Os; as a result, it may not be habitable today.

Whether this oxygen remains in these planets’ atmospheres past the early runaway phase

depends on the efficiency of their surface sinks. Given poor constraints on exoplanet tectonics, the
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physics of oxygen absorption by a magma ocean, and other aspects of exoplanet atmospheres, it
is reasonable to expect that some super-Earths may be unable to remove all the photolytically-

produced oxygen within the ages of their systems.

2.5.5 The Rate of Oxygen Buildup

While the final Oy equivalent pressure is a complex function of the stellar/planetary mass and
the semi-major axis, my results in the energy-limited regime can be understood in fairly simple
terms by considering the mass loss rates (Equations 29-31) derived in the previous chapter. In
particular, the rate of oxygen accumulation (Equation 31) is a function of both 7 and Mgy, which
are themselves functions of the XUV flux. By expressing Mgy, as a function of 7, it is possible to
show that the rate at which oxygen accumulates in the atmosphere/at the surface is completely
independent of the XUV flux above the critical value given in Equation (20). To demonstrate
this, consider Equation (31), the rate of oxygen buildup in the atmosphere in the energy-limited
regime. Since both 7 and Mgy, are functions of Fxyy, we will rearrange this expression in order
to make the dependence more explicit. First, we solve Equation (22) for the XUV flux, making
use of Equations (23) and (16):

4OG2m%{bM§Ktide 1+ 8n
XUV = , (60)
kaXUVRS 1-— n
The energy-limited mass escape rate (Equation 5) may then be written
. 40rGmZbM,\ 1+ 8y
Mgy, = H P : 1
o = (1 ) 14 (61)
Plugging this into Equation (31), one obtains m™ (n):
320mGm#bM,
- atm H p
— “H7TP 62
g = (), (62)

which is independent of 1. This means that the rate of oxygen buildup is constant in time and
does not vary with the XUV flux (provided Fxuv > Ferit). Instead, it depends only on the planet
mass and the temperature of the flow. For XUV fluxes below F.,i, the oxygen escape rate is zero

and the rate of buildup in the atmosphere scales linearly with the flux; one must calculate this
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directly from Equation (31).

This result may seem very counter-intuitive, since it implies that the rate of oxygen buildup is
independent of the XUV flux and relatively independent of the escape regime. In particular, one
might expect that in the energy-limited regime, an increase in the XUV flux would lead to more
oxygen escape and thus a slower rate of buildup. However, increasing Fxyy also leads to a higher
hydrogen escape rate and a faster net production of O atoms. While the ratio of the oxygen to
hydrogen mass escape rates in Equation (28) approaches a maximum value of 8 for n — 1, the
difference between the oxygen production and escape rates remains constant.

The constant buildup rate of Oy may be understood more easily if we consider the flux of
oxygen atoms into the atmosphere. If we divide Equation (62) by 47rR12)mH, we obtain the rate at

which oxygen atoms build up in the atmosphere:
F3™ = 5bgmpy kT, (63)

which is exactly one-half the diffusion limit for hydrogen when X¢ /Xy = 1/2. If we momentarily
consider the hydrodynamic flow from the frame of the escaping hydrogen particles, we see that in
this case it is the oxygen that is diffusing through a static hydrogen background, albeit downwards.
The diffusion limit is, from Equation (33),

o = bg(mu —mo)
7 kT(1+ Xu/Xo)

= —5bgmp kT, (65)

where the negative sign indicates a downward flux. This result is no coincidence; it implies that
oxygen is retained at its diffusion limit. In other words, in order for the oxygen to accumulate in
the atmosphere, it must diffuse out of the hydrodynamic flow that is attempting to carry it away,
and the rate at which it can do so is capped at the diffusion limit.

When the escape of hydrogen is diffusion-limited instead of energy-limited, the rate at which
oxygen builds up in the atmosphere is again one-half the diffusion limit (since one oxygen atom is
left behind for every two escaping hydrogen atoms). Initially, therefore, the rate of buildup is the

same as in the energy-limited case. However, as X /Xy begins to increase, both the H escape rate
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and the Oy buildup rate decrease. Nonetheless, only once oxygen becomes the dominant species
in the atmosphere does the rate at which it is produced begin to taper off.

When the Og buildup rate is constant, the expressions for the escape rates of hydrogen (Equa-
tion 29) and oxygen (Equation 30) and the expression for the rate of ocean loss (Equation 32)

greatly simplify. It can be shown from Equations (24) and (26) that, provided Fxuy > Ferit,

1.
i = oM +C (66)

. 8 -
e = gMeL —C (67)
mocean = MEL + c (68)

where

Mg _ 320mGmEbM,

C== 9kT

(69)

We can also derive the rate of change of the equivalent oxygen pressure with time, assuming

Xo/Xu = 1/2. Noting that

GMy . st
477R§;mét ’ (70)

0y =

we obtain the following from Equations (62) and (31):

2 —4
5.35 (M) (R> bars Myr~! if Fxuv > Ferit
Mg Rg (71)
’ Fxuv R\ exuv 1.
0.138 ( 75 > (}{@) ( 0.30 ) bars Myr if Fxuv < Ferit-

In Figure 15 I plot 7, Poz, and Mocean as a function of Fxyy for two planet masses and two XUV
absorption efficiencies. Note the constant value of P02 and the linear behavior of 1gcean above
Ferit-

Since this rate is constant in the energy-limited regime and declines slowly in the diffusion-
limited regime, the primary factor controlling the final oxygen amount retained by the planet is
the duration of the hydrodynamic escape phase. In general, an Earth-mass planet will build up

oxygen at a constant rate of about 5 bars/Myr until (a) the planet leaves the runaway regime
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Figure 15: Dependence of the oxygen escape parameter 1 (top), the rate of oxygen buildup P02
(center), and the ocean loss rate mocean (bottom) on the XUV flux for a 1 Mg Earth (left) and a
5 Mg super-Earth (right) in the energy-limited regime. Results for two different XUV efficiencies
are plotted: 0.30 (black) and 0.15 (blue). For n = 0, corresponding to Fxuv < Ferit, the rates of
oxygen buildup and ocean loss are linear in Fxyy. For n > 0, the oxygen buildup rate is constant
at ~ 5 bar/Myr for the Earth and ~ 25 bar/Myr for the super-Earth. The rate of ocean loss
is still linear in Fxyy, but increases more slowly. For reference, in the bottom panel I plot the
diffusion-limited ocean loss rate as a dashed red line.

(enters the HZ); (b) enough Oy builds up in the atmosphere to slow the H escape rate; (c) the
planet loses all surface water; or (d) the XUV flux drops below Fe,it.

This helps shed light on the behavior seen in several of the figures in the previous sections.
Consider, for instance, Figure 7, where the final oxygen pressure is not a monotonic function of
either M, or the position in the HZ, peaking close to the outer edge of the HZ in some cases.
This trend is shown more clearly in Figure 16, where I plot a cross-section along M, = 0.4M in
Figures 7 (a) and (b). The blue curve corresponds to the amount of water lost and the red curve
corresponds to the final oxygen pressure.

Since M, = 1Mg, and the escape regime is energy-limited, all planets build up O, at the same
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Figure 16: Cross-section along M, = 0.4Mg in Figures 7 (a) and (b), showing the oxygen
absorbed by the surface (red) and total amount of water lost (blue) as a function of the position in
the HZ. Water loss scales with the time spent in the runaway phase; interior to a critical distance,
complete desiccation occurs (shaded region). From right to left, the Oy amount initially increases
due to the increase in the amount of water lost. However, interior to the critical distance, complete
desiccation occurs at progressively earlier times. The higher XUV flux early on results in more
oxygen escape and less buildup. See text for a discussion.

rate of 5.35 bars/Myr. The difference in the final value of Po, is solely due to the duration of
the escape. Towards the outer edge of the HZ, planets experience short-lived runaway greenhouse
phases; see Figure 4 (b). As one moves from the outer HZ to the inner HZ, the increasing duration
of the RG phase leads to higher Os pressures.

However, at a certain critical position in the HZ (~ 55% in Figure 16), the final Os pressure
begins to decrease. This is because planets in the shaded region are completely desiccated, which
terminates the escape phase and sets an upper limit to the Os pressure. Interior to this distance,
faster water loss (blue line) results in an earlier desiccation time, leading to lower Oy amounts.

I note, finally, that the rate of Og buildup is constant only when the XUV flux exceeds Feit.
Below this flux, the escape of hydrogen is energy-limited, the oxygen escape rate is zero and its rate
of buildup is linearly proportional to the H escape flux. However, nearly all Earth-mass planets in

my runs enter the HZ before the XUV flux drops below the critical value. Compare Figures 2 and
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9, noting that planets around M dwarfs remain in a runaway for 0.1 — 1 Gyr, during which time
Fxuv 2 300Fg for a saturation time of 1 Gyr. For a shorter saturation time (typical of K and G
dwarfs) and/or a higher planet mass (for which the critical flux is higher), planets may leave the

oxygen escape regime prior to the end of the runaway greenhouse.

2.6 Discussion

2.6.1 Prolonged Runaway Greenhouse

I showed in the first part of this chapter that the pre-main sequence evolution of M dwarfs causes
their habitable zones to migrate inwards by nearly an order of magnitude in semi-major axis during
the first few hundred Myr. This means that many of the planets currently in the HZs of M dwarfs
were not in the HZs when they formed. The fact that these planets spend several tens to several
hundreds of Myr in insolation-induced runaway greenhouses establishes initial conditions in stark
contrast to those on Earth, the only known habitable planet to date. This could significantly
compromise their habitability.

Because of the extended runaway greenhouse, the atmospheric and thermal evolution of many
M dwarf planets could follow very different paths than Earth’s. Chemical equilibrium between
the atmosphere and a magma ocean during a runaway could lead to the buildup of hundreds of
bars of COy early on (Elkins-Tanton, 2008). High surface temperatures could also inhibit plate
tectonics by promoting rapid lithospheric healing and grain growth, increasing the viscosity and
erasing weak zones where plate subduction can occur (e.g., Driscoll and Bercovici, 2013). This may
prevent the onset of a carbonate-silicate cycle on these planets, making them unable to remove
atmospheric CO5 and maintaining permanently high surface temperatures.

Currently, the closest analog to the planets I consider here is Venus, which as a result of a pro-
longed runaway greenhouse phase underwent complete desiccation, irreversible crustal oxidation,
termination of plate tectonics, and the buildup of a dense CO5 atmosphere which maintains the
surface temperature over 700 K. Whether this is the fate of all planets that undergo prolonged
runaway greenhouses is unclear. Earth itself is thought to have been in an impact-induced run-
away greenhouse for a few Myr (Zahnle et al., 1988; Hamano et al., 2013), yet it is habitable today.
Detailed models coupling the atmosphere to the interior evolution of planets around M dwarfs

should be performed in the future in order to address the long-term consequences of the early RG
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phase.

2.6.2 The Fate of the Oxygen

In the second part of the results, I showed that the prolonged runaway greenhouse can lead to the
loss of several TO of water and the buildup of hundreds to thousands of bars of Oy on M dwarf
planets that end up in the HZ. I considered two limiting cases regarding the escape: energy-limited
and diffusion-limited. I argued that the former applies to planets with efficient surface sinks for the
O3, as the sinks prevent oxygen from becoming a major atmospheric gas and thus bottlenecking
the escape of hydrogen via diffusion. The latter applies to the opposite case, where the Oy builds
up quickly and caps the hydrogen escape rate at the diffusion limit.

In reality, a planet with an Earth-like redox state is likely to start out in the energy-limited
regime and transition to the diffusion-limited regime as its surface sinks get overwhelmed; my
results for water loss and O buildup should therefore bracket these processes on many M dwarf
planets. In fact, any Earth-mass planet that removes oxygen at a rate slower than ~ 5 bars/Myr
(~ 25 bars/Myr for a super-Earth) will build up Os in its atmosphere during the runaway phase
and likely transition to diffusion-limited escape. Moreover, any major atmospheric gas will tend
to cap the escape at the diffusion limit. If species such as CO3 or Ny are abundant relative to HoO
during the runaway, these would also enforce diffusion-limited escape.

Nevertheless, I have shown that even at the diffusion limit, extreme water loss and atmospheric
O5 buildup may occur on these planets. Given the ability of surface processes to remove tens to
hundreds of bars of Oy per Gyr (§2.2.2), one might expect that some planets that build up oxygen
atmospheres in excess of ~ 100 bar could retain detectable amounts of Os today. Such elevated
quantities of Os are possible throughout the HZ of all M dwarfs, except near the outer edge of
those more massive than about 0.5 Mg, where planets are in runaway greenhouses for only a few
Myr.

It is important to note that, because of the potential volatile deficiency of planets that form
in situ in the HZs of M dwarfs (Raymond et al., 2007; Lissauer, 2007), many of the planets in
the HZ with abundant surface water early on could be different from Earth in composition, given
that they may have formed beyond the snow line and migrated in. In particular, they could have

large inventories of highly reducing compounds, since hydrogen-rich species such as methane and
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ammonia condense at large distances from the host star and are thus easily accreted during planet
formation. Not only might these planets have highly reducing surfaces, but outgassing of reduced
compounds could also lead to the quick removal of atmospheric Oq. This is especially the case for
planets with nonzero eccentricity around low mass M dwarfs, as strong tidal forces in the HZ can
drive vigorous volcanism (Jackson et al., 2008; Barnes et al., 2013). On the other hand, whether
these planets develop a magma ocean capable of absorbing most of the Og is unclear, as they may
not have rocky surfaces, but instead a thick layer of water and ice extending down to great depths.

Another issue is the possibility that planets forming beyond the snow line could develop sub-
stantial hydrogen/helium envelopes before they migrate into the HZ. While the hydrogen may act
as a direct sink for the oxygen (via the formation of Hy0), the envelope could also inhibit the
escape of water in the first place. A dense enough envelope could effectively shield the surface and
prevent the dissociation of HyO, provided the water settles below the base of the hydrodynamic
wind. However, planetary cores that accrete dense H/He envelopes may be unable to completely
shed them, in which case the planet will never be terrestrial (and probably not habitable). In order
for the envelope to prevent water loss and Os buildup and yet not preclude the planet’s eventual
habitability, it must bear the brunt of the XUV flux early on and dissipate before the flux drops
too quickly and atmospheric escape becomes negligible. I explore this possibility in detail in the
next chapter, noting that such evaporated cores could potentially be habitable.

As for planets that happen to form in situ with abundant water, one of the major factors
controlling whether or not a long-term Oy atmosphere will develop could be the interaction with
a potential magma ocean (§2.2.2.3). Gillmann et al. (2009) and Hamano et al. (2013) argue that
this process could be responsible for the lack of oxygen in the Venusian atmosphere today. It is
entirely plausible that a deep magma ocean could remove most of the atmospheric Os on M dwarf
planets, provided solidification of the mantle occurs only at the end of the runaway. If, on the
other hand, solidification occurs after ~ 10 Myr as it likely did on Venus (Lebrun et al., 2013),
planets that spend longer than this amount of time in a runaway may accumulate a large fraction
of the Os in their atmospheres.

Finally, I caution that I have not fully accounted for the role of photochemistry in moderating
the production and escape of hydrogen atoms. I assumed that the escape rate is limited either

by the available energy (§2.5.2) or by the rate of hydrogen diffusion (§2.5.3), but in reality the

70



escape may also be limited by the availability of free hydrogen (and oxygen) atoms at the base
of the flow, which is dictated by the rate of photolysis and various chemical reactions among
hydrogen and oxygen-bearing species. If, for instance, oxygen recombines quickly with hydrogen
following photolysis, the hydrodynamic flow may be suppressed. Alternatively, the production of
ozone (O3) could shield lower atmospheric layers from UV photons necessary for water photolysis.
Photochemistry could also act to cause hydrogen and oxygen to escape in stoichiometric propor-
tions (Zahnle and Catling, 2017). However, a detailed hydrodynamic/photochemical treatment is
necessary to address these issues and accurately track the amount of oxygen that remains in the

planetary atmosphere.

2.6.3 Implications for Habitability

I have shown that during the early high luminosity phase of M dwarfs, terrestrial planets can
lose several Earth oceans of water. Over 10 oceans may be lost close to the inner edge of the
HZ, particularly for super-Earths, whose hydrogen diffusion limit is higher, and for planets with
efficient O absorption processes, as these could prevent atmospheric O from building up, resulting
in an escape rate that approaches the energy-limited rate. Given the fundamental importance of
water to life as we know it, complete planetary desiccation could severely hamper the ability of
life to originate and evolve on planets around M dwarfs. Moreover, water is an essential ingredient
for both plate tectonics (Mackwell et al., 1998; Moresi and Solomatov, 1998) and the carbonate-
silicate cycle, which together regulate CO5 in the Earth’s atmosphere. Without a mechanism to
remove atmospheric COs, desiccated planets may build up dense CO5 atmospheres and maintain
high surface temperatures even after the end of the greenhouse phase, much like Venus. In this
case, even a late delivery of water by comets or asteroids may be unable to restore the planet’s
habitability.

I have also shown that planets that lose significant amounts of water retain tens, hundreds, or
even thousands of bars of photolytically-produced Os, which in certain cases could remain in the
atmosphere. It is widely accepted that prebiotic chemistry happened in a reducing environment
(Oparin, 1924; Haldane, 1929); moreover, life on Earth evolved in the absence of atmospheric
oxygen for at least 1 Gyr (e.g., Schopf et al., 2007; Anbar et al., 2007). Early organisms relied

on the free energy available in redox reactions involving a variety of hydrogen compounds; on an
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O5-rich planet, organisms would have to compete with the oxygen for this free energy. Abiogenesis
in the presence of massive amounts of atmospheric oxygen could therefore be difficult, though these

issues should be investigated further.

2.6.4 Other Remarks

I assumed that terrestrial planets form with abundant surface water. Planets that form dry and
receive water at a late stage (such as by cometary impacts) are naturally more robust against water
escape and oxygen buildup, since the runaway greenhouse will not last as long. The inner edge of
the HZ for dry planets may also be significantly closer to the star (Abe et al., 2011). Moreover, I
only considered planets that migrate via disk interactions. Planet-planet scattering processes, for
instance, need not occur early; if a terrestrial planet scatters into the HZ after the star settles onto
the MS, it will be safe from the early runaway period.

However, I only considered water loss and Os buildup during the runaway greenhouse state.
Water loss may occur during a moist greenhouse state (Kopparapu et al., 2013) at the end of the
star’s contraction phase. Moreover, diffusion-limited escape of hydrogen can occur even on a planet
that is not in a runaway state. Wordsworth and Pierrehumbert (2014) show that an No-poor Earth
can lose up to 0.3 TO and produce 66 bars of Oy due to diffusion-limited escape. A planet whose
crust and mantle have been highly oxidized during the runaway regime may be unable to remove
this oxygen, leading to an Os-rich atmosphere even if all the oxygen produced during the runaway
was absorbed into the magma.

I neglected the possibility of cold-trapping of the water at the end of the runaway phase. On
Earth, water vapor is strongly inhibited from reaching the stratosphere by condensation in the
troposphere. However, due to the high surface temperature on a runaway planet, the thermal
structure follows a dry adiabat throughout most of the troposphere (e.g., Kasting, 1988), along
which the vapor pressure is lower than the saturation vapor pressure and thus water cannot con-
dense. Nevertheless, as a planet gets desiccated and HoO becomes progressively less abundant
relative to Os, a cold trap could eventually be established. In principle, this could prevent plan-
ets from becoming completely desiccated, allowing a small fraction of the initial water content to
remain after the end of the runaway.

I also ignored atmospheric loss due to flares and stellar winds, which is likely significant around
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M dwarfs (Scalo et al., 2007; Kislyakova et al., 2013) and can lead to the loss of substantially more
water than I calculate here. Flares could also remove some of the oxygen, lowering the amount
that builds up in the atmosphere or at the surface, particularly around the lowest mass M dwarfs.
On the other hand, stars less massive than about 0.1Mg may be in a supersaturation regime early
on, saturating at XUV fluxes one or even two orders of magnitude below those of higher mass M
dwarfs (Cook et al., 2014). This could reduce water loss rates from planets around these lowest
mass stars.

I further assume blow-off conditions for oxygen are not met. Tian (2009) showed that super-
Earths with CO4 atmospheres receiving up to 1000 Fg are stable to carbon escape; oxygen escape
may be similarly inhibited. However, as Lammer et al. (2011b) point out, this may not be the
case on Earth-mass planets that lack IR-cooling species. On such planets, significantly less oxygen
could build up in the atmosphere.

I only presented figures where the runaway greenhouse occurs interior to the RG limit. I also
considered the case of planets that are in a runaway only while they are interior to the RV limit
(the inner edge of the empirical HZ). I find that total water loss amounts and Os pressures are
similar, but all contours shift to the left (following the shift in the HZ boundary). This is due to
the fact that these planets remain in a runaway for less time.

All plots shown in the chapter assume an XUV absorption efficiency exyy = 0.30. This is
likely an overestimate, since radiative cooling by oxygen can greatly reduce the amount of energy
available to drive the escape. Recently, Bolmont et al. (2017) showed that the escape efficiency for
water-rich terrestrial planets is likely in the range 0.01-0.1, which would decrease the total amount
of water lost. Recall, however, that the rate of oxygen buildup is independent of the XUV flux
(and by extension exyy); nevertheless, the delayed desiccation of planets with lower exyvy can lead
to more oxygen buildup in the long run.

Finally, I neglected tidal heating and orbital evolution due to tides. For late M dwarfs, tidal
evolution can be quite strong in the HZ (see Barnes et al., 2008, and the next chapter), meaning
that planets on circular orbits in the HZ today may have started outside of the HZ on eccentric
orbits. While this may help reduce the insolation on such planets early on, tidal heating could
provide sufficient surface heat flux to trigger a runaway (Barnes et al., 2013). A tidal runaway

could lead to a longer period of water loss and oxygen buildup.
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2.7 Conclusions

I have shown that the extended pre-main sequence contraction phase of M dwarfs causes the
habitable zones of these stars to move inwards by up to an order of magnitude in semi-major
axis over the course of the first several hundred Myr. Since terrestrial M dwarf planets probably
form within ~ 10 Myr after the formation of the parent star, many planets currently in the
HZs of M dwarfs were not in the HZs when they formed, in agreement with Lissauer (2007).
If these planets formed with water, they may have experienced prolonged runaway greenhouses,
lasting between ~ 10 Myr for high mass M dwarfs and ~ 1 Gyr for the lowest mass M dwarfs.
Such prolonged runaways could lead to planetary evolution fundamentally different from Earth’s,
potentially compromising their habitability in the long run.

During a runaway greenhouse, photolysis of water vapor in the stratosphere followed by the
hydrodynamic escape of the upper atmosphere can lead to the rapid loss of a planet’s surface
water. Because hydrogen escapes preferentially over oxygen, large quantities of Oy may also build
up. I have shown that planets currently in the HZs of M dwarfs may have lost up to several tens of
terrestrial oceans (TO) of water during the early runaway phase, accumulating Oy at a constant
rate that is set by diffusion: about 5 bars/Myr for Earth-mass planets and 25 bars/Myr for super-
Earths. At the end of the runaway phase, this leads to the buildup of hundreds to thousands
of bars of Oz, which may or may not remain in the atmosphere. I considered two limiting cases
regarding the oxygen: (i) highly efficient surface sinks, resulting in an atmospheric O content that
is always low; and (ii) inefficient O4 sinks, leading to quick atmospheric buildup.

In the first case, I assume that water vapor is the dominant atmospheric species and that
atmospheric escape occurs in the energy-limited regime. Both hydrogen and oxygen escape in
proportions controlled by the stellar XUV flux. I find that for M, < 0.3Mg), nearly all Earth-mass

~

planets in the HZ lose at least 1 TO, though tens of TO are typically lost for M, < 0.15Mg. For

~

0.3Mg < M, < 0.6Mg, several TO are lost in the center of the HZ and close to the inner edge.
The surfaces of these planets undergo extreme oxidation, absorbing the equivalent of hundreds to
thousands of bars of Os.

In the second case, I assume that O, is produced faster than surface sinks can remove it,

resulting in an oxygen-rich atmosphere. I thus calculate escape rates according to the diffusion

limit of hydrogen; in this case, the escape flux is insufficient to drag any of the oxygen off to
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space. Because of the lower escape flux, water loss rates are slightly lower. However, several
TO are still lost, particularly around low mass M dwarfs and close to the inner edge of the HZ.
Oxygen amounts, on the other hand, are slightly higher; planets around all M dwarfs can develop
atmospheres with hundreds to thousands of bars of Os.

Perhaps counter-intuitively, I find that both the amount of water lost and the final oxygen
pressure scale with planet mass; super-Earths tend to lose substantially more water and develop
more massive Og atmospheres than Earth-mass planets. Despite their higher surface gravity, which
reduces the total energy-limited escape rate, super-Earths lose water primarily via the escape of
hydrogen, which causes a faster net loss of the oceans compared to the case in which both hydrogen
and oxygen escape (which primarily occurs on Earth-mass planets). This is also the case for loss
at the diffusion limit, since the escape flux scales with the surface gravity of the planet. I showed
that as a result of this enhanced escape, some recently discovered super-Earths in the HZs of M
dwarfs such as GJ 667Cc could have lost on the order of 10 TO and built up ~ 2000 bars of Os.

Given the variety of possible planetary compositions and processes capable of removing O5 from
the atmosphere, my two cases should roughly bracket the evolution of many exoplanets orbiting M
dwarfs. However, the values reported here should be viewed as strict upper limits to the thermal
escape rate of hydrogen and the rate of atmospheric oxygen buildup, as I assume a high XUV
absorption efficiency (exyy = 0.3) and neglect photochemical processes that could negatively feed
back on the water photolysis and hydrogen escape rates (see, e.g., Zahnle and Catling, 2017). The
production of ozone, for instance, could shield lower parts of the atmosphere from photolysis by
UV radiation, bottlenecking the escape. Detailed photochemical modeling is therefore required to
assess the actual amounts of Os these planets build up in their atmospheres.

Nevertheless, it is possible that many planets in the HZs of M dwarfs, in particular super-
Earths, could retain enough atmospheric O to be spectroscopically detectable by future missions
such as the James Webb Space Telescope and the WSO-UV space observatory (Fossati et al.,
2014). My work thus strengthens the results of Wordsworth and Pierrehumbert (2014), Tian et al.
(2014), and Domagal-Goldman et al. (2014) that Oy in a planetary atmosphere is not a reliable
biosignature; in fact, such elevated quantities of atmospheric oxygen could potentially be an anti-
biosignature. The habitability of many planets around M dwarfs should thus be questioned. Many

such planets could be no more than “mirage” Earths.
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3 Habitable Evaporated Cores

Portions of this chapter were originally published in collaboration with R. Barnes, E. Lopez, J.
Fortney, B. Jackson, and V. S. Meadows in the journal Astrobiology (Luger et al., 2015, Astro-
biology, ©2015 Mary Ann Liebert, Inc.), and are reproduced below with the permission of Mary

Ann Liebert, Inc.

3.1 Introduction

As I discussed in the previous chapter, terrestrial planets in the habitable zones of M dwarfs face
many challenges to their habitability. Due to the extended pre-main sequence phase of their host
stars and their prolonged and vigorous magnetic activity, these planets may undergo extreme water
loss following their formation. While the water loss rates we calculated in the previous chapter—in
excess of 10 Earth oceans for planets around the lowest mass stars—are likely upper limits to the
thermal escape rates, we neglected nonthermal processes such as stripping by flares or ion pickup
(e.g.; Kislyakova et al., 2013, 2014) and shut off all escape once the planets entered the HZ. We thus
concluded that water loss may pose the single biggest threat to the habitability of these planets.
However, even under the most pessimistic assumptions for atmospheric escape, planets in the
HZs of M dwarfs need not be desiccated today. Late water delivery by comets, late outgassing from
a water-rich mantle, or a large initial inventory of surface water could all guard a planet against
complete desiccation. In this chapter, I introduce a new potential pathway to the formation of
water-rich planets in the HZs of M dwarfs, drawing from recent studies that show migration may
be quite common in planetary systems. Both disk-driven migration and planet-planet interactions
can lead to substantial orbital changes, potentially bringing planets from outside the snow line
(the region of the disk beyond which water and other volatiles condense into ices, facilitating the
formation of massive planetary cores) to within the HZ (Hayashi et al., 1985; Ida and Lin, 2008a,b;
Ogihara and Ida, 2009). Disk-driven migration relies on the exchange of angular momentum
between a planet and the surrounding gaseous disk, which induces rapid inward migration for
planets in the terrestrial mass range (Ward, 1997); this occurs on timescales shorter than 10-20
Myr for M dwarfs (Carpenter et al., 2006; Pascucci et al., 2009; Ribas et al., 2014). Planet-planet

scattering, on the other hand, is by nature a stochastic process and may take place at any point
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during a system’s lifetime, although it is more likely in the first few tens of Myr (Ford and Rasio,
2008).

Given the abundance of ices beyond the snow line, planets that migrate into the HZ from
the outer regions of the disk should have abundant water—potentially enough to safeguard against
complete desiccation. Late planet-planet scattering events could also protect the planet from water
loss during the most active phase of the star. But perhaps most importantly, planets that form
beyond the snow line likely accrete large quantities of hydrogen and helium from the protoplanetary
disk, forming extended gaseous envelopes. Because of the large scaleheight of this envelope, the
hydrogen/helium should escape first under the XUV irradiation of the host star. Provided a planet
forms with just enough H/He, the envelope could shield the surface during the most active phase
of the star and eventually dissipate, revealing a water-rich world as the planet enters the HZ at
the end of the pre-main sequence phase of the star. Investigating whether these so-called “super-
Earths” and “mini-Neptunes” can lose their envelopes and form planets with rocky or liquid water
surfaces is therefore critical to understanding the habitability of planets around low mass stars.

In this chapter I focus on planets with initial masses in the range 1 Mg < M, < 10 Mg with up
to 50% hydrogen/helium by mass that have migrated into the HZs of mid- to late M dwarf stars.
I investigate whether it is possible for atmospheric escape processes to remove the thick H/He
envelopes of these planets within the HZ, potentially turning them into volatile-rich Earths and
super-Earths, which I refer to as “habitable evaporated cores” (HECs). I consider two atmospheric
loss processes: XUV-driven escape, in which stellar X-ray /extreme ultraviolet (XUV) photons heat
the atmosphere and drive a hydrodynamic wind away from the planet, and a simple model of Roche
lobe overflow (RLO), in which the atmosphere is so extended that part of it lies exterior to the
planet’s Roche lobe; that gas is therefore no longer gravitationally bound to the planet. I further
couple the effects of atmospheric mass loss to the thermal and tidal evolution of these planets.
Planets cool as they age, undergoing changes of up to an order of magnitude in radius, which
can greatly affect the mass loss rate. Tidal forces arising from the differential strength of gravity
distort both the planet and the star away from sphericity, introducing torques that lead to the
evolution of the orbital and spin parameters of both bodies.

While many studies have considered the separate effects of atmospheric escape (Erkaev et al.,

2007; Murray-Clay et al., 2009; Tian, 2009; Owen and Jackson, 2012; Lammer et al., 2013), Roche
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lobe overflow (Trilling et al., 1998; Gu et al., 2003), thermal evolution (Lopez et al., 2012), and
tidal evolution (Jackson et al., 2008a; Ferraz-Mello et al., 2008; Correia and Laskar, 2011) on
exoplanets, none has considered the coupling of these effects in the HZ. For some systems, in
particular those that may harbor HECs, modeling the coupling of these processes is essential to
accurately determine the evolution, since several feedbacks can ensue. Tidal forces in the HZ
typically act to decrease a planet’s semi-major axis, leading to higher stellar fluxes and faster mass
loss. The mass loss, in turn, affects the rate of tidal evolution primarily via the changing planet
radius, which is also governed by the cooling rate of the envelope. Changes to the star’s radius
and luminosity lead to further couplings that need to be treated with care.

Jackson et al. (2010) considered the effect of the coupling between mass loss and tidal evolution
on the hot super-Earth CoRoT-7 b, finding that the two effects are strongly linked and must be
considered simultaneously to obtain an accurate understanding of the planet’s evolution. However,
an analogous study has not been performed in the HZ, in great part because both tidal effects and
atmospheric mass loss are generally orders of magnitude weaker at such distances from the star.
This is not necessarily true around M dwarfs, for two reasons: (a) their low luminosities result in
a HZ that is much closer in, exposing planets to strong tidal effects and possible RLO; and (b) M
dwarfs are extremely active early on, so that the XUV flux in the HZ can be orders of magnitude
higher than that around a solar-type star (see, for instance, Scalo et al., 2007).

In this chapter I present the results of a model that couples tides, thermal evolution, and
atmospheric mass loss in the habitable zone, showing that for certain systems the coupling is key
in determining the long-term evolution of the planet. I further demonstrate that it is possible to
turn gas-rich super-Earths into HECs within the habitable zone, providing an important pathway
to the formation of potentially habitable, volatile-rich planets around M dwarfs.

In §3.2 T describe the model I use in detail, followed by the results in §3.3. I then discuss the

main findings and the corresponding caveats in §3.4, followed by a summary in §3.5.

3.2 Model Description

The model I developed evolves planet-star systems forward in time in order to determine whether
HECs can form from hydrogen-rich super-Earths that have migrated into the HZs of M dwarfs. I

perform my calculations on a grid of varying planetary, orbital, and stellar properties in order to
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Table 1: Parameters used in my code to model the evaporation of super-Earths and
mini-Neptunes in the HZ of M dwarfs. The second column indicates the ranges assumed and the

third column indicates the values adopted in the default cases.

Parameter Range Default Notes

M, (Mg) 0.08 — 0.4 - Late-mid MD
M,(Mg) 1-10 - -
Rxuv(Rp) 1.0-1.2 1.2 See §1.3.1.2

a IHZ - OHZ - See §3.2.1

e 0.0 - 0.95 - -

Py . (days) 1.0 — 100 30.0 Initial rot. per.
fu 107%-0.5 - H mass fraction
EXUV 0.1—-04 0.3 -

Emin 14107 -3 3 See §3.2.3
Atmos. esc. R/R-Lim / E-Lim - See §3.2.3
Tidal model CPL/CTL CTL -

Q- 105 — 10° 10° CPL only
Qp 10t —10° 10* CPL only

7+ (s) 1072 —107! 107! CTL only

7p (s) 1073 - 10° 107t CTL only

B 0.7 —1.23 1.23 See Eq. (1)
tsar (Gyr) 0.1-1.0 1.0 XUV sat. time
to (Myr) 10.0 — 100.0 10.0 Integration start
tstop (Gyr) 0.01 — 5.0 5.0 Integration end

determine the types of systems that may harbor HECs. The complete list is provided in Table 1,
where I indicate the ranges of values I consider as well as the default values adopted in the plots
in §3.3 (unless otherwise indicated).

Integrations are performed from ¢ = ¢y (the time at which the planet is assumed to have
migrated into the HZ) to ¢t = tp (the current age of the system) using the adaptive timestepping

method described in Appendix E of Barnes et al. (2013).

3.2.1 Stellar Model

As in the previous chapter, I use the evolutionary tracks of Baraffe et al. (1998) for solar metallicity
to calculate Ly and Teg as a function of time. I then use Equation (1) to calculate Lxyy, given
(Lxuv/Lbol)sas = 1073 and values of ¢4, and 3 given in Table 1.

Using Ly, and Tog, I calculate the location of the HZ from the equations given in Kopparapu
et al. (2013), adding the eccentricity correction (Equation 2). Given the uncertainty in the actual

HZ boundaries and their dependence on a host of properties of a planet’s climate, I choose my
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inner edge (IHZ) to be the average of the Recent Venus and the Runaway Greenhouse limits and
my outer edge (OHZ) to be the average of the Maximum Greenhouse and the Early Mars limits.
Throughout this chapter I will also refer to the center of the HZ (CHZ), which I take to be the
average of the IHZ and OHZ. Since I am concerned with the formation of ultimately habitable
planets, I take the locations of the IHZ, CHZ, and OHZ to be their values at 1 Gyr, at which point

the stellar luminosity becomes roughly constant.

3.2.2 Planet Radius Model

To determine the planetary radius R, as a function of the core mass M., the envelope mass fraction
fu = M. /My, and the planet age, I use the planet structure model described in Lopez et al. (2012)
and Lopez and Fortney (2014), which is an extension of the model of Fortney et al. (2007) to low-
mass low-density (LMLD) planets. These models perform full thermal evolution calculations of the
interior as a function of time. In my runs, the core is taken to be Earth-like, with a mixture of 2/3
silicate rock and 1/3 iron, and the envelope is modeled as a H/He adiabat. A grid of values of R, is
then computed in the range 1 Mg < M. < 10 Mg, 1076 < f5 < 0.5, and 107 years < t < 100 years.
For values between grid points, I perform a simple trilinear interpolation. For gas-rich planets,
R, is the 20 mbar radius; for gas-free planets, it corresponds to the surface radius. The evolution
of R, with age due solely to thermal contraction is plotted in Figure 17 for a few different core
masses and values of fg.

The models of Fortney et al. (2007) and Lopez et al. (2012) are in general agreement with
those of Mordasini et al. (2012b,a) and, by extension, Rogers et al. (2011). Mordasini et al.
(2012b) presented a validation of their model against that of Fortney et al. (2007), showing that
for planets spanning 0.1 to 10 Jupiter masses, the two models predict the same radius to within
a few percent. At the lower masses relevant to this study, the two models are also in agreement.
To demonstrate this, in Figure 17 I shade the regions corresponding to the spread in radii at a
given mass and age in Figure 9 of Mordasini et al. (2012a). Since those authors used a coupled
formation/evolution code, at low planet mass the maximum envelope mass fraction fg is small;
for a total mass of 4Mg, Mordasini et al. (2012a) find that all planets have fy < 0.2. At 2Mg,
most planets have f < 0.1. It is clear from Figure 17 that at these values of fg, the two models

predict very similar radius evolution. Note that Mordasini et al. (2012a) did not consider planets
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less massive than 2Mg.

The maximum envelope fraction merits further discussion. Since I do not model the formation
of these planets, I do not place a priori constraints on the value of fy at a given mass; instead, I
allow it to vary in the range 107% < fz < 0.5 for all planet masses. At masses < 5Mg, planets
accumulate gas slowly and are typically unable to accrete more than ~ 10-20% of their mass
in H/He (Rogers et al., 2011; Bodenheimer and Lissauer, 2014); values of fg =~ 0.5 are likely
unphysical. However, as T argue in §3.4.1, the longer disk lifetimes around M dwarfs (Carpenter
et al., 2006; Pascucci et al., 2009) allow more time for gas accretion, potentially increasing the
maximum value of fgy. Nevertheless, and more importantly, if a planet with fg = 0.5 loses its
entire envelope via atmospheric escape, any planet with the same core mass and fg < 0.5 will
also lose its envelope. Below, where I present integrations with fz = 0.5, my results are therefore
conservative, as planets with fg < 0.5 will in general evaporate more quickly.

While my treatment of the radius evolution is an improvement upon past tidal-atmospheric
coupling papers (Jackson et al., 2010, for instance, calculate R, for super-Earths by assuming a
constant density as mass is lost), there are still issues with my approach: (1) I do not account for
inflation of the radius due to high insolation. Instead, I calculate the radii from grids corresponding
to a planet receiving the same flux as Earth. While at late times this is justified, since planets
in the HZ by definition receive fluxes similar to Earth, at early times this is probably a poor
approximation; recall that planets in the HZ around low mass M dwarfs are exposed to fluxes up
to two orders of magnitude higher during the host star’s pre-main sequence phase. The primary
effect of a higher insolation is to act as a blanket, delaying the planet’s cooling and causing it
to maintain an inflated radius for longer. This will result in mass loss rates higher than what I
calculate here. (2) Since I am determining the radii from pre-computed grids, I also do not model
the effect of tidal dissipation on the thermal evolution of the planet. Planets undergoing fast tidal
evolution can dissipate large amounts of energy in their interiors, which should lead to significant
heating and inflation of their radii. (3) The radius is also likely to depend on the mass loss rate.
Setting R, equal to the tabulated value for a given mass, age, and composition is valid only as
long as the timescale on which the planet is able to cool is significantly shorter than the mass loss
timescale. Otherwise, the radius will not have enough time to adjust to the rapid loss of mass and

the planet will remain somewhat inflated, leading to a regime of runaway mass loss (Lopez et al.,
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Figure 17: Evolution of the radius as a function of time due to thermal contraction of the
envelope, in the absence of tidal effects and atmospheric mass loss. From top to bottom, the
plots correspond to planets with initial total masses (core + envelope) of 1, 2, and 5 Mg. Line
styles correspond to different initial hydrogen mass fractions: 1% (red, solid), 10% (green, dashed),
25% (blue, dot-dashed), and 50% (black, dotted). For comparison, the grey shaded regions in the
bottom two plots are the spread in radii calculated by Mordasini et al. (2012a) for fr < 0.20. See
text for a discussion.
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2012). While the planets considered here are probably not in the runaway regime (Lopez et al.
(2012) found that runaway mass loss occurred only for H/He mass fractions = 90%), I might still
be significantly underestimating the radii during the early active phase of the parent star.

All points outlined above lead to an underestimate of the radius at a given time. Since the
mass loss rate is proportional to R} (Equation 5) or R;’,/ ? (Equation 13), calculating the radius in
this fashion leads to a lower bound on the amount of mass lost and on the strength of the coupling
to tidal effects. Because my present goal is to determine whether it is possible to form habitable
evaporated cores via this mechanism, this conservative approach is sufficient. Future work will

incorporate a self-consistent thermal structure model to better address the radius evolution.

3.2.3 Atmospheric Escape Model

I assume that the escape of H/He from the planet atmosphere is hydrodynamic (blow-off) at all
times, which is valid at the XUV fluxes I consider here (see Erkaev et al., 2013, and Figure 2). I
run two separate sets of integrations: one in which I assume the flow is energy-limited (Equation 5)
for all values of Fxyvy, and one in which I switch from energy-limited to radiation/recombination-
limited (Equation 13) above the critical value of the flux (see §1.3.1.4). For planets whose orbits
are eccentric enough that they switch between the two regimes over the course of one orbit, I make
use of the expressions derived in §3.2.4.3. These two sets of integrations should roughly bracket
the true mass loss rate.

I vary exyyv and Rxyvy in the ranges given in Table 1. I choose exyy = 0.30 as my default
case. While this is consistent with values cited in the literature (see §1.3.1.2), it could be an
overestimate. I discuss the implications of this choice in §3.4.3.

Given the large planetary radii at early times, many of the planets I model here are not stable
against Roche lobe overflow in the HZ. During RLO, the stellar gravity causes the upper layers
of the atmosphere to become unbound from the planet; this occurs when R, > Rgroche, Where
RRoche 1s given by Equation (8). For a planet that forms and evolves in situ, RLO never occurs,
since any gas that would be lifted from the planet in this fashion would have never accreted in the
first place. However, an inflated gaseous planet that forms at a large distance from the star may
initially be stable against overflow and enter RLO as it migrates inwards (since Rroche o @). This

is particularly the case for planets in the HZs of M dwarfs, since a and consequently Rgroche are
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small.

Ideally, the tidally-enhanced mass loss rate (Equation 5) should capture this process, but instead
it predicts an infinite mass loss rate as Rxuv — RRoche (Or as & — 1) and unphysically changes
sign for £ < 1. This is due to the fact that the energy-limited model implicitly assumes that the
bulk of the atmosphere is located at Rxyy (the single-layer assumption). Realistically, one would
expect the planet to quickly lose any mass above the Roche lobe and then return to the stable
hydrodynamic escape regime. However, upon loss of the material above Rgoche, the portion of
the envelope below the new XUV absorption radius Ry will not be in hydrostatic equilibrium;
instead, an outward flow will attempt to redistribute mass to the evacuated region above, leading
to further overflow.

Several models exist that allow one to calculate the mass loss rate due to RLO (e.g., Ritter,
1988; Trilling et al., 1998; Gu et al., 2003; Sepinsky et al., 2007). These often involve calculating
the angular momentum exchange between the outflowing gas and the planet, which can lead to its
outward migration, given by

lda 2 dM,
adt M, dt’

(72)

for a planet on a circular orbit (Gu et al., 2003; Chang et al., 2010). This leads to a corresponding
increase in RRoche until it reaches Rxyv and the overflow is halted. By differentiating the stability
criterion Rxuv(M,) = Rroche(Mp), one may then obtain an approximate expression for dM,/dt
in terms of the density profile dM (< R)/dR of the envelope.

However, for super-Earths and mini-Neptunes that migrate into the HZ early on, RLO should
occur during the initial migration process, which I do not model here. Instead, I begin my cal-
culations by assuming that the planets are stable to RLO in the HZ. If a planet’s radius initially
exceeds the Roche lobe radius, I set its envelope mass equal to the mazimum envelope mass for
which it can be stable at its current orbit; the difference between the two envelope masses is the
amount of H/He it must have lost prior to its arrival in the HZ. It is important to note that these
planets will initially have Rxuv = RRroche, Which as I mentioned above, leads to an infinite mass
loss rate in (5). An accurate determination of Mp in this case therefore requires hydrodynamic
simulations. However, the mass loss rate can be approximated by imposing a minimum value &y

in (5). For £ < &uin, | set the mass loss rate equal to M, (€ = &mpin). This is equivalent to imposing
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Figure 18: Complete evaporation time tevap as a function of the cutoff value &y for a 2Mg
planet with fr, = 0.5 on a circular orbit around a 0.08 M star. The red, green, and blue lines
correspond to planets in the THZ, CHZ, and OHZ, respectively. Also plotted is the mass loss
enhancement factor 1/Kyqe (black dashed line), which approaches infinity as £ — 1. Note that
for Emin S 3, the evaporation time is relatively insensitive to the exact cutoff value, despite the
fact that 1/Kjqe blows up. I therefore choose &, = 3 as the default cutoff, corresponding to a
maximum enhancement factor 1/ Ko = 2.

a maximum mass loss enhancement factor 1/Kjy;qe, preventing the mass loss rate from reaching
unphysical values as Rxuv — RRoche-

In Figure 18 I show how the time tcvap at which complete evaporation takes place scales with
Emin for a typical gas-rich super-Earth/mini-Neptune in the ITHZ (red), CHZ (green), and OHZ
(blue). Also plotted is the mass loss enhancement factor 1/Kiige (Equation 6, black dashed line)
as a function of & = &, Interestingly, despite the fact that the instantaneous mass loss rate
(Mp x 1/Ktide) approaches infinity as & — 1, the evaporation time is relatively constant for
Emin < 3. This is because for very large Mp, the planet loses sufficient mass in an amount of
time At to decrease R, substantially and terminate the overflow. In other words, cases in which
¢ =~ 1 are very unstable, and as mass is lost £ will quickly increase beyond ~ 3. Both the net
amount of mass lost and the evaporation time are therefore insensitive to the particular value of
&min, provided it is less than about 3. I therefore choose &, = 3 as the default value for my runs,

noting that this corresponds to a maximum mass loss enhancement of 1/Kjjqe & 2.
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3.2.4 The Effect of Eccentricity on Atmospheric Escape

Most of the formalism that has been developed to analytically treat hydrodynamic escape only
considers circular orbits. For planets on sufficiently eccentric orbits, neither the stellar flux nor
the tidal effects may be treated as constant over the course of an orbit. Below I derive expressions

analogous to Equation (5) that apply to planets on eccentric orbits.

3.2.4.1 The Quasi-Static Approximation

There are two separate effects that enhance the mass loss for planets on eccentric orbits. Most
papers account for the first effect, which is the increase of the orbit-averaged stellar flux by a factor
of 1/4/1 — €2 (see, for instance, Kopparapu et al., 2013). However, for e < 0.3, this effect is quite
small. The second, more important effect is that the Roche lobe radius is no longer constant over
the course of an orbit, and (8) is not valid. Instead, we must replace a with the instantaneous

planet-star separation r(t):

M

1/3
SMP) r(t). (73)

RRoche(t) = (

One might wonder whether this replacement is valid. Specifically, if Rroche(t) changes faster than
the atmosphere is able to respond to the changes in the gravitational potential, we would expect
that the time dependence of the mass loss rate would be a complicated function of the tides
generated in the atmosphere. On the other hand, if the orbital period is very large compared
to the dynamical timescale of the planet, the atmosphere will have sufficient time to assume
the equilibrium shape dictated by the new potential. This limit is known as the quasi-static
approximation (Sepinsky et al., 2007). To show that this approximation is valid, I begin by
introducing the parameter alpha (Sepinsky et al., 2007):

(1+e)/?

ale, f) = A—cp X

1-fl, (74)

where




is the ratio of the rotational angular velocity to the orbital angular velocity at periastron. Sepinsky
et al. (2007) show that provided the condition

P,

2> ale,f) (76)

Tdyn
holds, the system may be treated as quasi-static. The orbital period is given by Kepler’s law,

a3

Por =2 ’
b=\ G,

(77)

while 74yn, the dynamical timescale of the planet, is

1
Tdyn ~¥ —F/———.
NIV

The ratio of the two will be smallest for close-in, low-mass planets with large radii. The minimum

(78)

value in my runs occurs for a super-inflated 2 Mg, 30 Rg planet in the IHZ of a 0.08 Mg M dwarf,
for which Py, /Tayn ~ 2.4.

We must now compare this to a(e, f). The equilibrium rotational period for a synchronously-
rotating planet is obtained from Equations (41) and (55) in the CPL and CTL models, respectively,

so that we may write a(e) as

(1+e)/? L (1 —e)3/2 Wy eq

ale, f) = (1—e)3/2 X (1+e)/2 n

(79)

This equation is plotted in Figure 19. Note that a only begins to approach Py, /Tayn for e 2 0.6 in
the CPL model and e 2 0.4 in the CTL model, and only for the most inflated planets in the IHZ. 1
therefore urge caution in interpreting results above e 2 0.5, where the quasi-static approximation

may not hold for some planets.
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Figure 19: The Sepinsky et al. (2007) parameter « as a function of e for a synchronously-rotating
planet in the CPL model (black) and in the CTL model (gray). The dashed line corresponds to the
minimum value of the ratio P,/ Tdyn across all my runs. Note that for e < 0.5, the quasi-static
approximation is probably valid.

3.2.4.2 The Mass Loss Enhancement Factor

Since Rroche = RRoche(t), &, Ktide, and dM/dt (Equations 5, 6 and 7) are now also functions of ¢,

varying significantly over a single orbit. Equation (5) must thus be modified slightly:

st = BB e (1 S o )| (80)

where r(t) is the instantaneous separation between the centers of mass of the star and the planet
and where I have plugged-in for Fxyy in terms of Lxyy and made use of Equation (6). The

parameter £ must also be modified, as the value of the Roche radius will also change as the
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planet’s distance from the star changes during one orbit:

— RRoche
§) = Rxuv
M\ 1 r(t)
B (3]\2) Rxuv rt) = Tf' (81)

To avoid confusion, henceforth £ will denote the original expression for circular orbits (Equations
7 and 8), while £(¢) is the time-dependent parameter given by the expression above. The time-

average of M over one orbit is

. 2m/n
(V) = ﬁ /0 M(t)dt (82)

where n is the mean motion. Now, we know that the relationship between n and the eccentric

anomaly FE is

nt=F —esinFE (83)
and that
r(E) =a(l —ecos E), (84)
o
at _r(E)
d—E—f(l—eCOSE)— p (85)
Substituting into (82), we have
(M), = L M(E)ﬁdE
"7 2n/n ), dE
1 2
= — M(E)r(E)dE.
5 | MEE) (56)
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Now, introducing the mass loss rate for e = 0 and Kijge = 1 from Equation (5),

. R% yvexuvLxuv
My = ~XUV.
0 AGMya® (87)

it follows from Equations (80) and (81) that

()" (1 % () 28 ((E)))] (&)

Plugging this into Equation (86), and using Equation (84),

M(E) = MgCL2

. o .
:%/0 |:(1_6COSE)_23£+2§3(1—ZCOSE)2:| dE
SR 2
where I define the eccentric mass loss enhancement factor
1/ Keee = S /27r [(1 —ecosE) — 3 + ! - dE. (90)
27 Jo 26 283(1 —ecos E)?

Note that for e = 0, Ko reduces to the circular version of Kiiqe, Equation (6). Unfortunately,
the integral in Equation (89) is not analytic. However, if the last term in the integral is small

compared to the first two, an analytic solution is possible. In particular, if we write

1 3
= 1— B) - =
560 oo | T E) 56

(91)

then we may neglect the last term provided n < 1. Since the term is largest at pericenter (E = 0),

we may instead require that

1

S 21— eR(- £ o)

0

<1 (92)
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If this holds, Equation (89) simplifies to

: My [*" -1
m@tmgi{/ 1= 3 ccosE) dE

-1

M 2w
~ 703/ 1- % cosE| dE
2r(1-2) Jo 1- 3
My 1
~ 3
CE
M,
~ ) ; 73 (93)
(1-2-s& )
Thus, provided condition (92) holds (typically for £ 2 10), we may write
3 9
Koo ™ (|1 — 2 — — —¢2, 4
N &4

Note that for e = 0 and keeping only first-order terms in &, the above expression agrees with that
of Erkaev et al. (2007) for £ > 1.

In Figure 20 I plot the loss rate enhancement factor of Erkaev et al. (2013), 1/ Kjiqe (blue lines),
along with the eccentric version, 1/ K. (exact® expression in black, approximate expression in red).
Recall that there are two distinct effects contributing to the extra mass loss for eccentric orbits:
the 1/v/1 — €2 flux enhancement and the smaller Roche lobe distance during part of the orbit.
In order to better distinguish between these two, I display both 1/K}q. (dotted blue lines) and
1/(KideV/1 — €2) (dashed blue lines). Thus, any difference between 1/Kige and 1/Kee. in the
figure is due solely to the Roche lobe effect.

Let us first compare the curves corresponding to the exact expressions (blue and black). For
e =0, Kece = Kiide, as expected. As the eccentricity increases to 0.25, the flux enhancement effect
remains small (i.e., the dashed and dotted curves are similar), while the Roche lobe effect begins
to become significant (the dashed black curve exceeds the blue dashed curve), particularly for low
values of £&. For e 2 0.5, the effect becomes even more important, leading to an enhancement of a

factor of several for £ < 10.

8While I refer to Equation (90) as the “exact” expression for the (inverse of the) mass loss enhancement factor,
it is important to remember that it is the eccentric version of the third-order expression derived by Erkaev et al.
(2007) and is, in this sense, still an approximation to the true enhancement.

91



10— T 10— T T
\ 0.00 ! 1 0.25
1 1
\ . ‘.‘| 'l
st Y ] st ]
i 1 K\
S A S
— ! — W
A W
‘.\ v ‘.‘» \
A LS
AN ANy
1 ‘ ""’h-&___ 1 ‘ "'."..".,,,_ _—
1 5 10 50 100 1 5 10 50 100
10— : : 10 — :
3 v ! 0.50 } v 0.75
3 ! 1 A 1
3 1 1 B v 1
5003 4 . 5p = Y .
g 1 B
M \\ ‘\ 1 & N “ \
~— '__\ [ ~— \ v\
— PP — S AR
\\ . \\ AN o
",\\\\ ~~~:\\~
YN :N‘ e I e
..,‘:’~ ;._'_--.—_— """""
1 . AL LTIV N 1 . ML TTTTRYOv "
1 5 10 50 100 1 5 10 50 100

Figure 20: Loss rate enhancement factor 1/K as a function of the normalized Roche lobe distance
& = Ryoche/Rp for e = 0, 0.25, 0.5 and 0.75. The Erkaev et al. (2007) model (Kjiqe) is plotted
in blue, with the flux enhancement factor 1/v/1 — e? (dashed) and without it (dotted). The
exact expression Kee. derived in this chapter (Equation 89) is plotted in black and the analytic
approximation (Equation 93) is plotted in red. For low values of £, condition (92) is not satisfied
and the approximation diverges significantly. However, at high eccentricity, as & increases, the
analytic approximation converges to the exact value of Kec. sooner than Kiiqe. Finally, note that
for sufficiently large &, all curves accounting for the flux enhancement converge to the same value.

A particularly important effect is that high eccentricities will cause the planet to undergo Roche
lobe overflow at larger values of £. In the circular Erkaev et al. (2007) model, Roche lobe overflow

occurs when £ = 1 by definition. However, it is straightforward to show that for

f = gcrit = 1%7 (95)

e

the expression in the integral of Equation (90) diverges, resulting in an infinite mass loss rate. This
occurs because at pericenter, where r = a(1 —e), £(r) = 1. In other words, for & < £, the planet
will overflow its Roche lobe during at least part of its orbit, leading to rapid mass loss.

It is important to note that the approximate expression (dashed red curve) converges only for

& 2 10. For smaller values of £, it overestimates the mass loss enhancement significantly and
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should therefore not be used. However, for high eccentricities (see the last panel, for instance), it
converges t0 1/Kq.. quicker than 1/Kjjq.. Provided condition (92) is satisfied, the approximate

analytic expression (Equation 93) does a good job at modeling the actual mass loss.

3.2.4.3 Orbits Crossing the Critical Radius

As T described in §1.3.1.4, the escape regime for an EUV-dominated flow may switch from energy-

limited to radiation/recombination-limited above a certain critical value of the flux, Fi;, given

by
B\?2
Fcrit = <A> ) (96)
where
_ ﬂEXUVRg’(UV
A= ———=2-+ 97
GMpKtidc ( )
and
L1 (Ry\?
B=7.11x107 g2s2 (p) (98)
Rg

are the coefficients multiplying the flux in the energy-limited and radiation/ recombination-limited

equations, respectively (Equations 5 and 13). At fixed XUV luminosity, this corresponds to a

| Lxuv
crit = . 99
it 47TFcrit ( )

Planets on low-eccentricity orbits that do not cross re; are therefore safely within either the

certain critical orbital radius,

energy-limited (a > ;) or radiation/recombination-limited (a < 7¢rit) regime. In this case, the
orbit-averaged mass loss rate is determined simply by replacing F' in Equations (5) and (13) by its
orbit-averaged value, (F'), given by Equation (2).

However, when an orbit is sufficiently eccentric that the atmospheric escape regime switches
from energy-limited to radiation/recombination-limited over the course of a single orbit, the

method outlined above is no longer rigorously correct. We must instead integrate the two mass
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loss rate expressions over the portions of the orbit where they apply. Fortunately, as I demonstrate
below, these integrals are analytic. This allows us to calculate the time-averaged value of the mass

loss rate, (M), much as I did in §3.2.4:

. A B
(M) = —/ F(t)dt + —/ F%(t)dt, (100)
P JeL P JrrL
where P is the orbital period, F(¢) is the instantaneous XUV flux, and EL and RRL correspond
to the energy-limited and radiation/recombination-limited portions of the orbit, respectively. By

noting as in (85) that

E E)P
it = "B g _TEP (101)
an 2ma
where E is the eccentric anomaly, we may write
an = B[ prEye(E)E
"7 27a 0
A 21— Ecrig
— F(E)r(E)dE
ora J (E)r(E)dE +
B 27 1
Fz2(E)r(E)dE, (102)

210 Jor—Een

where

1 cri
Eei = cos™ ! (e - raet) (103)

is the value of the eccentric anomaly when r = r¢t. The three integrals above follow from the fact
that starting from pericenter (F = 0), the planet is (by assumption) in the RRL regime up until
E = E., switches to EL until £ = 27w — E.,, and completes the orbit in the RRL regime. By

symmetry of the orbit, the first and last integrals are identical, so we may simplify:

A 27— Ecrit

(M), = — F(E)r(E)dE +
2ma Eerit
B Ecrit 1
=z F}(E)r(E)dE. (104)
Ta Jo
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Now, noting that F(E) = Lxuy/4mr?(E) and r(E) = a(1 — ecos E), we have

. ALxuv /27F—Ecm dE B Lxuv /Ecx'it
M), = —— ——+ —/ dE
(M)t 812a? Jg, .. 1—ecosE + Ta a7 Jo

AL m—Eeic 4R BEei |L
_ AlLxuv / n t XUV (105)
812a? Jg, .. 1—ecosE a 47

By evaluating the integral, we may finally write

(M), = AF [1 — %tan—l ((1 +e) taH(Ecrit/2)>:| | pFt [(1_62% (106)

Vi m

Note, importantly, that the expressions above are valid only for planets that cross the critical
radius during their orbit; that is, planets for which the expression a(1 —e) < reis < a(1+e) holds.
The mass loss rate for planets outside this region must be calculated via the method described at
the beginning of the section.

Finally, note that the formalism derived here makes use of Ki;qe rather than its eccentric version
Kece, which I derived in §3.2.4.2. Tt is in principle possible to account for the tidal enhancement
during the energy-limited portion of the orbit, but the resulting integral would not be analytic.
Moreover, the tidal enhancement due to the eccentricity is important primarily near pericenter,
where the mass loss is radiation/recombination-limited and therefore independent of Kijge. Thus,
while the method outlined above may underpredict the mass loss rate in some cases, the effect will

be small.

3.2.5 Tidal Model

I calcula